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Preface

This thesis contains the study of the implications of thenpridial magnetic fields for
early structure formation in the Universe and the boundsromgrdial magnetic field pa-
rameters coming from various cosmological observables asccosmic microwave back-
ground polarization, large scale structure formation,kleesing shear, and kyopacity.

Based on recent observations of magnetic fields in the cqsmdisating their pres-
ence in clusters, super-clusters, even in the intergalaatidium and high redshift galax-
ies, it is now commonly believed that magnetic fields existhi@ whole universe quite
ubiquitosly. These cosmic magnetic fields in turn indicates existence of magnetic
fields in the early universe, which would have been generatéite very early universe,
possibly during the inflation or other early phase transgin the Universe. The exis-
tence of magnetic fields in the early universe can alter tiwesgoof structure formation in
several ways. One of those is the extra matter perturbafaves and above inflationary
matter perturbations) sourced by the existence of thessopdial magnetic fields during
recombination era. After recombination these matter pleations also would grow and
take part in the structure formation. This can lead to extwaegy in the matter power
spectrum at scales around 1-10 » Mpc~t. At the other hand presnce of sufficiently
strong magnetic fields can even lead to heating of the ambiedtum via decay of mag-
netic field energy due to ambipolar diffusion and decayingulence in the medium, and
therefore affect the structure formation as thermal hyspdays an important role in this
process. Thus we see that the existence of the primordiatetigdgields can influence the
matter distribution in the univesre. And therefore the colamgical probes of the matter
distribution in the universe are expected to have signataf¢he existence of primordial
magnetic fields. Using these observables we can actualhephe existence of primordial
magnetic fields and put bounds on the physical parametexedeto them. These were
the main motivation behind this thesis work.

Following is the summary of the actual thesis work,

x Implications of primordial magnetic fields for early struct ure formation

e Formation of supermassive black holes (SMBH) at very high rdshifts: This work
is about the investigation of possible role of primordialgnetic field to solve the
puzzle of the formation of early super massive black holeseddoy some SDSS

observations of early (z 6) bright quasars. Many models have been proposed to

solve this mystery based on super-Eddington accretionevaftihal merger models.

vii



Preface

All the models make very optimistic assumptions and havi tiven share of prob-
lems. Presence of magnetic field also affects the courseeofntd and dynamical
evolution of collapsing gas because of the dissipation®htlagnetic field energy in
the medium. Our work suggests that if the magnetic field gtieis above a critical
value ¢~ 3.5 nG), it can actually lead to the formation of more masstags~ 10"
M. The black holes left behind after the death of these stdthae enough time
to accrete gas to becomd @ M., SMBH by the redshift of 6-8. This model avoids
many of the odd assumptions which are required in other nsodélough this model
requires a larger magnetic field value than the availablenswn primordial mag-
netic fields and relies on metal-free primordial gas, thedaevof magnetic fields
are allowed under 2—3 o upward fluctuation of the Gaussian random primordial
magnetic fields which is sufficient to account for the numiddrigh redshift quasars
observed. Metal-free gas is not a bad assumption for theopdiial gas at the redshift
of z ~ 15. Over all this model presents a plausible novel mechatasiorm high
redshift supermassive black holes.

x Bounds on primordial magnetic fields coming from various comological parame-
ters

e Cosmic Microwave Background Polarization & Large Scale Stucture forma-
tion: In this work we have studied the limits on primordial magadigld coming
from various cosmological probes such as, Faraday rotatid@osmic Microwave
Background (CMB) polarization plane and statistics of éasgale structures in the
universe. The presence of primordial magnetic field duregpmbination causes a
rotation of the CMB polarization plane due to the FaradagatffThe rotation angle is
proportional to the magnetic field strength. Primordial metgs field can also induce
formation of structures in the Universe. Unlike th€ DM matter power spectrum,
the magnetic field induced matter power spectrum incredssasall scales (up till a
cut-off at magnetic Jeans scale) and it plays an importdaimahe formation of the
first structures in the Universe also. The smallest stredtucollapse at ~ 10 in the
ACDM model are 2.5 fluctuations of the density field as opposed to the magnetic
field case whered collapse is possible. This means the number of collapsex hal
is more abundant in the later case. This result is cruciahufirig the bounds on the
strength of primordial magnetic field, since the WMAP ressliggests that the Uni-
verse reionized at z = 10, combining these two one can putdsoon the primordial
magnetic field strength. From the analysis in this work we firat the range of the
acceptable values of magnetic field strength is below 1-3 nG.

L
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Preface

e Cosmological weak lensing shearin this work we have calculated a theoretical
estimate of shear power spectrum and the shear correlatmtidns, taking into ac-
count the effect of primordial magnetic fields on matter poggectrum. Comparing
this result with the CFHTLS weak lensing data (Fu et al., 3088 have found limits
on primordial magnetic fields which are much stronge(5 nG for the spectral in-
dex valueng = —2.8 under the confidence level ofbin comparison to the existing
limits on primordial magnetic fields coming from CMB data.

e Ly« effective optical opacity: This work is an extension of the previous work, with
the same motive but this time the observable is the line dftsigstribution of Ly
clouds. We have simulated one dimensional distributionyaf Absorbers along the
line of sight and calculated effective kyopacity as function of redshift. Using ob-
served data of effective Ly opacity from Faucher-Giguere et al. (2008) we have
calculated bounds on primordial magnetic field, which tdroet to be even stronger
than our previous estimate8{ ~ 0.2 — 0.3 nG for ng = -2.8 with the confidence
level of 57). In this analysis we have considered two cases, one whemalgaetic
field induced perturbations are uncorrelated with infladigrperturbations, and the
other is when they are correlated, though the final resuitsr{is on3,) are not very
different for both the cases.

The work presented in this Thesis has been already publighedetails of which are
as following :

Publications

1. Supermassive Black Hole Formation At High Redshifts TigioA Primordial Mag-
netic Field, Shiv K. Sethi, Zoltan Haiman, Kanhaiya L. Pang@10,ApJ 721, 615

2. Primordial Magnetic Field Limits From Cosmological DafEina Kahniashivili,
Alexander G. Tevzadze, Shiv K. Sethi, Kanhaiya L. Pandewr&hRatra 2010,
PRD 82, 083005

3. Theoretical Estimates Of Two-point Shear Correlatiomdions Using Tangled
Magnetic Fields, Kanhaiya L. Pandey, Shiv K. Sethi 204y2] 748, 27

4. Probing Primordial Magnetic Fields Using &yClouds, Kanhaiya L. Pandey, Shiv
K. Sethi 2012ApJ 762, 15
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Introduction

1.1 Magnetic Fields In The Universe

Magnetic field is another manifestation of electromagnfetice field, which is one of the
four fundamental forces (others are gravitational, weakti&@rgy nuclear forces) in the
universe known to humankind by now, and after strong nudteae the second strongest
amongst them. Since the universe as we know it today, is ehaggtral globally as well
as locally, we do not need to worry about the electrical fettmeat, whenever we encounter
plasmas, which is very common in astrophysical systemsnetagfield effects come into
the picture. In most of the cases these magnetic fields amegsenough to influence the
dynamics of the system significantly. No wonder magnetidéi@lay an important role in
almost every area of astrophysics. Formation of planetadyséellar objects, production
of jets and outflows, synchrotron sources like radio gakasied neutron stars, accretion
disks, inter stellar medium (ISM), supernovae and gammaussts (GRBs) are just a few
examples.

From observations, we know that the magnetic fields are ptegéte ubiquitously
in the universe. Small scale objects like planets and s&ifgrge scale tenuous gas in
the inter stellar medium of galaxies and even more tenuduacinster medium are all
magnetized. The first extraterrestrial magnetic field wdrseoved in sunspots by Hale
1908. Starting from 1949, microgauss strength magnetidsfiehve been observed in
several galaxies coherent over galactic sizeB) - 100 kpc, weaker magnetic fields have
been observed with coherence length scales up to clusts, find there is evidence of
supercluster scale magnetic fields also. Origin and the teraamce of magnetic fields
coherent over such cosmological scales is still an unregaksue in astrophysics.

How did the Universe get magnetized at the first place? Is etagfields in the
universe a result of top-down process, ie. a weak uniformmegg field formed during

[l
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2 Chapter 1. Introduction

very early universe and propagated to small scale objedtsegiscollapsed, or bottom-up
process like structure formation in theCDM, in which it would have been created in
small scale objects like stars and accretion disks first had propagated to large scales
through outflows and bursts. The two leading theories footigin and the maintenance
of the galactic magnetic fields representing the above t@naios are the dynamo model
(bottom-up) and the primordial magnetic field model (topvd® These two theories are
quite different from each other in the sense of the initialditons and what they predict
about the galactic magnetic fields. The concept of primbm@gnetic theory initially
came as an attempt to understand the galactic/cosmic mad@eéds, as battery mecha-
nisms to generate magnetic fields were unable to expl&Girievel of galactic magnetic
fields. Dynamo theories came later.

According to primordial magnetic field theory the cosmic meiic fields (magnetic
fields with very large coherence length) were generateceindiny early universe (possibly
during inflation). These cosmic magnetic fields got amplifigdflux freezing and got
twisted around the galactic center, along with the procégslaxy formation and this is
what we see as galactic magnetic fields. The magnetic diffusif galaxy was assumed
to be very low and in this case there is no need of any mechanigmaintain the magnetic
fields once it got created.

Later it was realized that, the magnetic field diffusivityuta be very high inside a
galaxy because of the turbulent nature of the galactic nrmedand the magnetic field
would quickly decay at all scales. Therefore the galactigmesic field has to be main-
tained by continuous regeneration of magnetic field by flumtion. And thus people
started approaching the problem using dynamo theory.

1.2 Large Scale Magnetic Fields

While analyzing MHD problems in the astrophysical contdyd tisual practice is to di-
vide the total magnetic field into two components (known ag-$wale theory first used
by Steenback, Krause & Radler (1966)), the uniform larggescomponenB, and a ran-
dom componeni, which is such agb,) = 0, the total field becomeB = B, + b with

(B) = B, and (B?) = B2 + (b?). Among large scale magnetic fields, galactic mag-
netic fields have been studied in quite detail. Our own gatagyMilky Way provides us
with the spatial detail of galactic magnetic field, wheresrgé number of external galax-
ies give us the global field structure that is unattainabdenfthe Milky Way. Though
there are several observational tracers to probe the madiedds, they respond only to
either the plane of the sky componddt or the line of sight componer. The total

[l




1.2. Large Scale Magnetic Fields 3

magnetic field in a galaxy can be estimated from the nonthieradio emission, assum-
ing equipartition between the magnetic field energy andtlarenergy of the relativistic
particles. Intensity and polarization of observed synttbroradiation, polarization of star
light and polarization of infrared emission from the intefi&r dust are the main probes of
B, , Faraday rotation and Zeeman splitting are used to pilgb8ased on the these obser-
vational tracers, magnetic fields have been mapped for aayaliaxies. The morphology
and the symmetry features of the galactic magnetic fieldstcain theory of its origin and
evolution. In spiral galaxies the magnetic fields have beemd to be mostly parallel to
the galactic plane and field lines closely follow the optsairal arms of the galaxy. There
are cases when we do not see a well defined material spiral(loosulant and irregular
galaxies) but we see a definite spiral magnetic field lineg. total magnetic field strength
is generally highest at the position of optical spiral armisereas the highest regular fields
are found in the interarm region of the spiral galaxy. The meguipartition value of the
total magnetic field is around 130G, the strength of the regular field is of the order of 1-5
1G in the interarm region. From the measurements of polaoizatf synchrotron radia-
tion at high radio frequencies coming from external galsaxiee can estimate the relative
energies in uniform and random component of the magnetit &ietl it is found that the
energy in uniform component is about two-thirds of that afdam component, and it
can go to as low as 5% in the regions of heavy star formatioeré& bre feeble evidence
for magnetic fields in elliptical galaxies also Greenfielabrts & Bruke (1985); Moss
& Shukurov (1996), the total field strength is similar to tleatspiral galaxies but there
are positive detection of polarized synchrotron emissidicating almost zero uniform
component of the magnetic field.

Large scale magnetic fields in galaxies can be categorizedsgveral types based
on their symmetry properties of their structure. Figuredn? 1.3 shows such various
possible configurations of the large scale galactic magriiefds. On the basis of sym-
metry around the galactic axis magnetic fields could be edkisymmetric spiral (ASS)
or bisymmetric spiral (BSS). Along the plane perpendictbagalactic plane it can have
configurations like quadrupole (symmetric) and dipole iymmetric). ASS and BSS
configurations can be distinguished observationally, st ben found that many galaxies
have superposition of different modes with the exceptitkesV31 and IC342 which show
clear ASS field and M81 with dominating BSS field. In M51 galdlgre is evidence of
two different magnetic field configuration for disk and hadyalo with an axisymmetric
field configuration parallel to disk and a superposition aégmmetric and bisymmetric
with about equal weights in the disk (Berkhuijsen et al. 997

Detections of synchrotron radiation and Faraday rotatiomfclusters of galaxies pro-
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M51 (4.8 GHz) NGC891 (8.4 GHz NGC4569 (4.8 GHz)

Figure 1.1: galactic magnetic fields of various galaxies overlaid ofirtbgtical images, the continuous lines are contours oforadtensity. Picture
source: Max Planck Institute for Radio Astronomy ; httpuiw mpifr-bonn. mpg.de/staff/rbeck/MKSP/pictures.html
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1.2. Large Scale Magnetic Fields 5

RM

Figure 1.2: Axisymmetric (left side) and bisymmetric (right side) capitations of galactic mag-
netic fields. Picture source : Widrow (2002).

vide evidence for magnetic fields in the intracluster medalso. The polarization of
synchrotron radiation coming from clusters is very low,igading that the field is almost
entirely random. The lower limits on the total field comingrfr these polarization studies
areB; > 0.4 uG andB; > 0.1 uGG (Rephaeli et al. (1994),Sreekumar, P. et al. (1996)). The
coherent field over these scales have been estimated byserees RMs (above those of
a control sample) of extragalactic radio sources locatddnieclusters of galaxies, the
estimated value of the uniform (coherent) magnetic field tivese scales by this method
is aboutB, ~ 0.02 uG (Kim et al. (1990),Kim et al. (1991). These magnetic fieldshiea
cluster could have been ejected from the galaxies accomgbdnyi the material ejecta of
the radio jets or galactic winds. But measured strengthefithgnetic field present in the
intracluster medium is much larger than the field that wo@abtained from the galactic
ejecta only.

Even there are observations which suggests the existemoagietic fields on super-
cluster scales Kim et al. (1989). Faraday rotation of qusalyang behind the high redshift
galaxies show significant RM detection in their absorptime Isystem. A radio inter-
ferometric study of a Ly damped system in front of PKS1229-021 measured RMs that
indicates existence of magnetic field of strength of a fewagauss at moderate redshifts
(~ 0.4)Kronberg et al. (1992). Athreya et al. (1998) did a nialtid study of polarized
radio emission coming from high redshift{2) radio galaxies and found significant RMs
(= 1000) in most of the objects. RMs of this magnitude requirasagauss field coherent
over several kpc.
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Figure 1.3: In the plane perpendicular to galactic plane the symmgtradrupole (top) and the
antisymmetric/dipole (bottom) galactic magnetic field fogurations. Picture source : Widrow
(2002).

Though we still do not know whether cosmological magnetitd§eare of primor-
dial origin or not, there is evidence such as existence ofnetgfields over supercluster
scales, in IGM and in early radio galaxies, which indicakted these magnetic fields are of
primordial origin. A detection of sufficiently strong (nafauss strength) magnetic fields
over large scales will support primordial origin theory. @e other hand even slightly
weaker magnetic fields of primordial origin could be a gooddidate for seed magnetic
fields for the turbulent dynamo theories.

1.3 Origin Of Large Scale Magnetic Fields

There are two distinct possible ways to understand theexndst of large scale (galactic
scale and larger) magnetic fields in the universe. i) Sufftbyestrong magnetic fields
were already generated during the very early stages of theekse ii) amplified version
of already existing but comparatively weaker (seed) magfietds due to dynamo action.
Again these seed magnetic fields could be of primordial niegiproduced later by battery
mechanism or it could be just the early stellar magnetic di¢gfolown out in the galactic
medium during nova and supernova phase of the star. Signilag extragalactic magnetic
fields could be a result of thrown galactic magnetic fields &éagtic winds/outflows/AGN
activities.
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It has been suggested that the primordial magnetic fieldkldmave been generated
during various early phases of the universe like the inflgtibe electroweak phase tran-
sition, the quark-hadron phase transition, during the &irom of the first objects or even
during reionization Turner & Widrow (1988); Widrow (200Z3nedin et al. (2000). As a
matter of fact we do not have any observation which can cortfiese theories, but still
we can put theoretical limits on the strength of these prdiai(cosmological) magnetic
fields and probe it indirectly using some other cosmologadaervables. Several con-
straints of this kind have already been derived using Faraokation estimates of high
redshift sources, estimates of anisotropy of the CMB cabgedtiese cosmological mag-
netic fields, predictions of light elements abundance fragridang nucleosynthesis (BBN)
in the presence magnetic fields etc. For example based oardopsmic Background Ex-
plorer (COBE) data, Barrow (1997) suggested an upper limic@smological magnetic
field which isB < 5 x 107°h;5QY2G and coherent over scales larger than the present
horizon size. Constraints from BBN suggests an upper lifni2 ez 10~° GG. These values
are scaled to present epoch values, assuming the scalitignedsB; = a(t)? By.

Other than primordial origin of magnetic fields there aretdrgt mechanisms which
can generate seed magnetic fields from zero magnetic fielditcmrs. This process was
first discovered by Biermann in 1950. The Biermann batteryk&@n basis of relative
motion of electrons and ions (since electrons are muchdightin their positively charged
counterparts, the ions, and respond much more to a pressutieigt (force) in a medium)
that give rise to a net electric field’{ = —Vp./en.) in the medium, if this electric field
has a curl it can give rise to magnetic field. Sipce= n. kg7, the conditionV x Ej, # 0
indicatesVn, x VT # 0 for this whole thing to happen, ie. the gradieRts, andVT
are not parallel to each other. Such scenario are not vesyimastrophysics the example
could be the ionization fronts where the temperature gradsenormal to the front but the
density gradient can have different direction as the idiondront is sweeping across the
arbitrarily distributed density fluctuations. This mecisam can produce a seed magnetic
field of strength of the order of 10~%.

Since the magnetic fields over larger scales than the gakaaies have not been ob-
served in good details because of several observationaghtions, the present day avail-
able detailed observations of galactic magnetic fields inawn Milky Way and other
galaxies can provide a good probe to distinguish betweemtiaels. The salient features
of the two models, the dynamo theory and the primordial theoe as given below

Dynamo theories : Magnetic field in a conducting medium can be amplified by the
inductive effects associated with the motions of the medlitnis process is generally re-
ferred to as dynamo. In the dynamo process the kinetic erasgpyciated with the motions
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in the medium is converted into magnetic energy. The mednsidée galaxy or cluster is
very turbulent and the dynamo action happening in thesessare commonly known
as turbulent dynamo. Turbulent dynamos are convenientligeli into fluctuation (small
scale) dynamo and the mean field (large scale) dynamo. RElictudynamo produces
magnetic fields that are correlated only over the scaleshwdnie comparable (or smaller)
than the scales of energy carrying random/turbulent metion

The fluctuation dynamo are generic to any random flow wherenetag Reynold’s
numberR,, is greater than a critical valug,, ., ~ 30 — 100, depending on the form
of velocity correlation function. The field grows exponatiyi roughly on the eddy turn
over time scalé, /vy, Whereuy is the typical variation in velocity over the scadjewith the
magnetic field scaléz ~ ZO/R,ln/Q. In the context of galaxy clusters turbulence are mainly
be driven by the merging of subclusters and the typical \afoe the largest turbulent
scales and the turbulent velocity would he~ 100 kpc ; vy ~ 300 kms~!, leading
to a growth timery ~ Iy/vy ~ 3 x 10% yr; thus for a cluster lifetime of a few Gyr,
one could then have significant amplification by the fluchatilynamo. And in the case
of galactic interstellar turbulence driven by supernovagje take typical values to be
Iy ~ 100 pc, vy ~ 10 kms~! one getsy ~ 107 yr. Again the fluctuation dynamo would
rapidly grow the magnetic field even for very young high refigitotogalaxies.

If the turbulence are helical the2 mean field dynamo mechanism can play a role and
produce magnetic fields at even larger scales (by inversada®f magnetic-energy/helicity).
The interstellar medium is assumed to become turbulenttatar example the effect of
supernovae randomly going off in different regions. In atioig, stratified (in density and
pressure) medium like a disk galaxy, such turbulence besdrakcal and thus{2 mean
field dynamo can actually work in these kinds of system. Imatgjalaxies large scale
differential rotation (mean velocity) can stretch the eddield into azimuthal toroidal
fields (2-effect), whereas small scale helical turbulence can abtive toroidal fields into
poloidal fields (-effect). In this also the magneto-fluid dynamics equatigines expo-
nentially growth of magnetic fields as a solution for coradis which can be easily metin
the spiral galaxies. The mean field grows typically on timakss a few times the rotation
time scales, of order 3-1010% yr. Unlike primordial origin theory this model can accom-
modate various shorts of galactic magnetic field configanstiand can give explanations
for them, This model also has gotten its own share of probleaislity of FOSA (first or-
der smoothing assumption, on which theory relies) in thagal medium is one of them.
In the linear limit this theory is well worked out and worksitgufine, but in the non-linear
regime it becomes a very complex and complicated.

According to the simplest version of mean field dynamo theahen the governing
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equations are linear iB,, the mean field3, can grow exponentially in the low (but non-
zero) resistivity limit. In the nonlinear regime whée#, becomes significant and its back
reaction on the fluid motion becomes important, quenchirtg@fmagnetic field happens.
It inhibits the dynamo action and the magnetic field getsrastd at some value. This
happens when the magnetic field energy becomes of the ortlee tirbulent energy and
thus B, saturates at about its equipartition value. Early quergcbimmagnetic fields
guenching problem) is one of the problems with this dynaneott for galactic magnetic
fields, though various theories have been already propostdmactive research is still
going on to resolve these problems, because of complexittyeoproblem there are still
some open questions to be answered.

Primordial origin theory : Just after the discovery of galactic magnetic fields Hoyle,
F. (1958) came up with the idea of primordial magnetic fietdariderstand the existence
of magnetic fields over galactic scales, as battery mecimsnisin not produce such mag-
netic fields, dynamo theories were not known at that timeetBtddington (1964, 1972),
Howard & Kulsurd (1997) took forward this hypothesis. Ingthineory it is assumed that
the large scale magnetic fields are of primordial origin amifigently strong magnetic
field was already present before the formation of galaxiadest and the present (large
scale) galactic magnetic fields are just the primordial netigriields twisted by the differ-
ential rotation in the galaxy. This theory rely on low magaoeliffusivity of the galaxies
and therefore there have not been any significant decay ajalaetic magnetic fields.
The primordial magnetic fields could have been generatenhgluarious early universe
phase transitions. The exponential stretching of the vactiuctuations of the electro-
magnetic fields during inflation could produce magnetic fieddherent over very large
scale. Other mechanisms like electroweak transition or @@msition produce magnetic
fields coherent over smaller scales and thus very tiny magfields over galactic scales,
unless helicity is also generated, in which case the invaaseade of the energy to larger
scales is possible. The problem with the inflationary mosi¢hat the electromagnetism
is conformally coupled to gravity and therefore, in a sgitilat FLRW cosmology, the
magnetic field generated during inflation will decay adiatadly (B ~ 1/a(t)?, where a
is the expansion factor), Turner & Widrow (1988) suggesteat bne need to break the
conformal and gauge invariance of the electromagnetiomtti get away with this effect.
Various authors have attempted to find an effective and aktvay to break conformal
invariance and still research is going on in this field. InsthenodelsB ~ 1/a(t)¢ with
typically e < 1 for getting a strong field. Since is exponentially increasing during the
inflation the predicted field strength is exponentially s&@resto any changes of the param-
eters of the model which affects thgand therefore these model of primordial magnetic

[l




10 Chapter 1. Introduction

field generation can lead to a wide range of magnetic fielehgthebased on the values of
cosmological parameters used. The strongest field whichegenerated by these mech-
anism is estimated to be around—° G (redshifted to present epoch). A magnetic field
of the strength~ 1072 can also be sheared and amplified due to flux freezing, duniag t
collapse to form a galaxy and lead to a microgauss field obddn/several galaxies. The
differential rotation wraps the field in a bisymmetric spir@one of the field component
reverses across the galactic mid plane, unless the fieldnitedly nearly vertical in that
case the field would be axisymmetric but with odd parity altbatgalactic mid plane.

Primordial magnetic field strength of a few nG coherent ovpclgcales could strongly
influence several astrophysical processes which occumddgithe early phases of the
universe, and therefore signature of the primordial magfietds can be found in several
cosmological observables like in CMBR temperature andrp@ion anisotropies have
extensively been investigated. These fields have sevepéitations in the process of early
structure formation also. These effects of the primordiagnetic field will be discussed
in detail in the following sections.

In summary, both the models have got their own share of diffeiin understanding
of the origin of large scale magnetic fields, and explainimg @bservations, the dynamo
theory of galactic magnetic field favours ASS configuratiad aven parity (quadrupole)
structure along verticab,,. direction, whereas primordial theory favours the BSS canfig
ration with odd parity (dipole) structure along the vertidaiection, a careful observation
of these features in galactic magnetic fields can revealwhiadel is more close to reality.
In observations we see most of the spiral galaxies have aimigf ASS and BSS config-
uration of magnetic fields, though recent observation odguaole (even) symmetry of
magnetic field in the Milky Way favours the dynamo model, siicthe primordial theory
it is difficult to sustain a quadrupole symmetric magnetitfiwhich comes naturally as
a favored solution in the dynamo theory. But again the entsteof microgauss strength
magnetic fields in disk galaxies at high redshift such as2is a challenge for dynamo
theory as they have very less time for amplification. A goodaratanding of magnetic
field diffusion in the galaxies is also crucial for all thesedels and a better understanding
of this process is needed to resolve the problem.

1.4 Modelling The Primordial Magnetic Fields

For the calculations the primordial magnetic field is assiihoebe statistically homoge-
neous and isotropic Gaussian vector random process, ircdes for this field the two
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point correlation function in Fourier space can be written a

(Bi(q)B;(k)) = 6} (a — k) (6:; — 4:4;/4°) B*(q) (1.1)

where the first term in RHS assures the statistical isotropyteomogeneity, and the sec-
ond term (known as transverse plane projector) is to askatdte field is divergence-less.
The third term says that the magnetic field is assumed tofalpower lawB? (k) = Ak™
fOF kpmin < k < Kmaz. WhereA ~ 72(n + 3)(B2) /k\rt?) n is the spectral indexB, is
given by following expression (Kim et al. (1996))

ke

B = (B(@B;(00) = = [ dk B ) (1.2)
wherek, is the coherence length (smoothing scale, which is usuakigrt to be 1 Mpc).
kmin 1S the scale which is set by the scales which crossed thedmodaring inflation, if
the number of e-folding during the inflation is very largg;,, — 0, in this thesis we will
takek,.;, = 0 throughout. %,,,... is the scale at which damping of magnetic fields due
to radiative viscosity (before recombination) becomesartamt, numerically this scale is
given by (Sethi & Subramanian (2005))

B —1 Q Q h2 1/2 h 1/4
Komaw = 235 Mpe™! 0 Zm b — 1.
mas = 235 Mpe (10—9(;) (0.3) (0.02) (0.7) (13)

The energy density of the magnetic field is given by (Kahnidis& Ratra, 2007)

C B2(kpA)et?
5N = ST s 2 7 572)"

(1.4)

this Eqn tells us that the magnetic field energy goels 4%+, and asiz; — —3 the
magnetic field energy spectrum becomes scale invarians Gdse is actually favored by
many primordial magnetic field origin theories such as (tidlzary origin) and is ideal
for a model of large scale primordial magnetic fields. In thissis work we have mostly
considered the spectral index values close to -3.
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1.5 Role Of Primordial Magnetic Fields In Early Struc-
ture Formation

1.5.1 Magnetic field induced density & velocity perturbations

In the linearized Newtonian theory, the magneto-hydrodyiceequations takes the fol-
lowing form in comoving coordinates,

dlave) (VxB)xB
o = Ve — (1.5)
V- Vp, = —a5b (16)
V2¢ = 47rGa2(pDM5DM + pbéb) (17)
2 2
Jd(a’B) _ VX (v X a*B) (1.8)
ot a
V-B = 0 (1.9)

as our interest here is the scales over which perturbatiomdireear at present epoch
(k < 0.2 h Mpc1),in equation (1.4) the pressure gradient term is negleoéaduse it
is important for length scales smaller than Jeans lengthk(~ 1 Mpc~!). Again in
equation (1.7) the resistivity term has been dropped asgythat the medium has infinite
conductivity, further neglecting the right hand side (RH$&¢quation (1.7) we get

B(x,t)a* = constant (1.10)
that means in the linear reginkesimply redshifts agl + z)2.
Combining equations (1.4) and (1.5) gives,

029, a 06,
0T2b + 255—; — 471G (pprmbpr + ppdy) =

V- [(V x B) x B
Amwapy,

(1.11)

here the subscripts ‘b’ refers to baryonic and ‘DM’ refersltsk matter component. The
above equation (eq 1.10) contains two source terms: daffem@abaryonic perturbations
and the magnetic fields. The RHS in the equation (1.10) acs aslditional source term
for density perturbations in the mhd fluid coming throughtinegnetic fields. If we drop
the magnetic field terms in the above equations (eq 1.4-1d81al0) we get the fluid
equations for the evolution of dark matter perturbatiomsl(d.1).

Popn _2§35DM
o2 Ta ot

+47G(ppradpar + puos) (1.12)
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The evolution dark matter component is not directly affddig the magnetic fields but
does get affected indirectly through the baryonic compo(emn1.12).
0?6, a 0o,

p
= 2=+ AnGpnl + p—iS(t, x) (1.13)

whered,, = (ppydpn + Pods)/ pm @NAp,, = (ppar + o). S(t, x) is the source term from
the magnetic fields (RHS of eq 1.7). The above equation caasily solved using Green'’s
function methods. Wasserman (1978) showed that the equiti®2) admits a growing
solution too, i.e., tangled magnetic fields can provideiahitonditions for the growth
of density perturbations. Furthermore the tangled magretids give rise to both the
divergence (compressional) and curl part of the velocithd f{for details see Gopal &
Sethi 2003).

1.5.2 Matter power spectrum of density field induced by primordial
magnetic fields

The real space spatial density contrast and peculiar wgloomponent (induced by mag-
netic fields) along the line of sight can be given as (Wasseri8a8),

[
[

(V x B)] (1.14)

V- |B x
V- Bx(VxB)|-z (1.15)

Here B = B(x,ty), i.e., the value of magnetic field at the present epoch. IniEpspace
the above expression becomes,

5() = [ hil(ks - Bk~ ka)) (k- B(ky)) ~ (k- K)(Blky) - Bk — k)] (1.16)
V() = i [ dhl(Blks) - Bk~ )k ~ (ks Bk — ki) Bk (117)

by choosingk to lie along thez-axis andn to lie in thex — z plane, we have,

dPky = [ dkk} [ dp | do (1.18)
= [ iz o |

wherep = cosf (0 is the angle betweek, and thez-axis) andy is the azimuthal angle.
In the integralk, ranges fronk,,;, to k..., 1 from -1 to +1 andp from 0 to 2r. Since
u depends ork; (1 = k- ky/(kky)), care needs to be taken while evaluating the above
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integral, in fact the above integral can be computed bytspiitt in three parts as following

k +1 kmaz—k +1 kmaz 1
/ By = / dky / dji+ / dky / dpi + / dky / du (1.19)
0 -1 k -1 kmaz—k mazx

where .. = (k? + k¥ — k2,,.)/(2kk,). Now P(k) can be computed a$°(k)), using

max

equation (1.1) and simplifying we get the following expiiessfor P(k) (Gopal & Sethi
(2003)),

kmax +1 B2 B2(lk — k
P(k) :/ dkl/ du (k1) B - 1) (1.20)
Fnin 1 'k — ki

X [2K°K3 4 KR (1 — 5p?) + 2K3KD 17

The above integral can be evaluated numerically. The pldhisfintegral for various
values of magnetic field strength and spectral indices arengin the Figure (1.3) along
with the standard\CDM inflationary matter power spectrum. In the plot the madgne
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Figure 1.4: The Matter power spectrum is displayed for the magnetic amdmagnetic cases.
Magnetic field-induced matter power spectra are plotted:far kg in each case.

field induced matter power spectrum has been shown for thesalft < kg, wherekg
R\
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is magnetic Jeans scale. In analogous to thermal Jeans\scale, (7 /pG)'/? this scale

is given as\g = va(7/pG)"/? wherev, is Alfvén speed. Using the appropriate form
of Alfvén speedv, (= B/(47p)'/?), we get the following formula to compute magnetic
Jeans scale (Sethi & Subramanian (2005)),

QN /h By \!
ky~14.8 Mpc™! [ =2 — 1.21
v == 148 Mpe (0.3) <0.7) <1O—9G) (1.21)

n+3

BJ(CL) = B(/fJ,CL)CLz(t) and BJ = BC(]CB/]CC) 2

where
(1.22)

In the plot we can see that at smaller scales>( 0.1hMpc~1) there is appreciable en-
hancement in the matter power spectrum due to magnetic &eldrgted perturbations, at
these scales it is almost comparable to standard inflaggd&DM) matter power spec-

trum, whereas at larger scalds €< 0.1hMpc~!) it is almost negligible in comparison

to inflationary matter power spectrum. Thus we see the axstef primordial magnetic

fields can have implications in the matter distribution ie tmiverse at smaller scales.
Apart from this these primordial magnetic fields can havepiimplications also in early

structure formation, for example decay of these fields wvibauience and ambipolar diffu-

sion can heat the surrounding medium and this can affectaleagtrophysical processes
including star formation etc., in the first chapter we wiledgow can this phenomenon
have a role in understanding the early formation of supesivablack holes.

1.6 This Thesis

The aim of this chapter was to set up the stage for the reseaftthpters which discuss my
actual thesis work. In this chapter we learned that, thezesame indications which sug-
gests that there was some amount of magnetic field whicheekatring the primordial
ages of the universe, and the existence of these primordighetic fields could influ-
ence the structure formation process in the universe. Atgatve knowledge of these
effects can actually help us probing these primordial magfields through various cos-
mological observables. The next chapt€hapter Two of this thesis covers my first
thesis project which was to study the possible role of prar@magnetic fields in un-
derstanding the puzzle posed by observations of very earyq - 8) but bright quasars
(M ~ 10*~°M). The strength of the primordial magnetic fields play a ke ia the
analysis given in the chapter two. In the literature theee saveral bounds primordial
magnetic field parameters (strength and coherence scale)dsen proposed based on
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various kinds of observations and theories but still we harg limited knowledge about
them. Further chapter§hapter Three, Four andFive discuss our work towards deriv-
ing constraints on primordial magnetic field strength cagrirtom various cosmological
observables. In th&hird Chapter we discuss the large scale imprints of cosmological
magnetic fields, such as, their effects on the formation effitlst bound structures in the
universe and the rotation of CMB polarization plane. As w& sathis chapter, the ex-
istence of primordial magnetic fields could produce extratengerturbations over and
above the inflationary matter perturbations, at very eddges of the universe. This would
influence the matter distribution in the universe favoradtlyhe scales which are smaller
than ¢ ~ 0.1Mpc™1), these are the scales which are mainly probed by weak lgasid
Ly« distribution. TheFourth and theFifth Chapter is about the exercise of constraining
the primordial magnetic field parameters using weak lensirgar analysis and the effec-
tive opacity of Ly distribution along the line of sight. Finally the last chappChapter
Six s a brief discussion and conclusion about this whole thesik.




Early Formation Of Supermassive Black Holes
(SMBHSs) : Role Of Primordial Magnetic Fields

2.1 Formation Of SMBHs At High Redshifts

With the advent of Sloan Digital Sky Survey (SDSS) and theplarge area surveys dis-
covery of very bright quasars with luminosity 107 erg-s!) at high redshifts: > 6
suggests that some supermassive object as massivé s were already present when
the universe was very young Fan (2006). Formation of such imgss objects at such an
early stage of the universe poses a puzzle for astrophyBi&dy population Ill stars of
masses- 100 M, are expected by the time of redshife> 25 (Abel et al., 2002; Bromm
etal., 2002; Yoshida et al., 2008). Even if these stars Ibatnd similar mass black holes
after they die out, the Eddington time for growing these daladk holes to the mass of
108~ M, is of the order of the age of the universe. Thus we see thadiffisult to gener-
ate a SMBH of mas$0®~? M/, from the givenl02M/, seed black holes unless considering
a phase of super-Eddington accretion or using some verynggiic assumptions in hier-
archical merger models (Haiman & Loeb, 2001; Yoo & Miraldsekdé, 2004; Bromley
et al., 2004; Shapiro, 2005; Volonteri & Rees, 2006; Li et 2007; Tanaka & Haiman,
2009).

In the models involving rapid (super-Eddingtopn) collagse primordial gas rapidly
gets accreted onto a pre-existing seed BH and collapsexail8¥BH as massive as
10*-%M, (Oh & Haiman, 2002; Bromm & Loeb, 2003; Lodato & NatarajanQ@0Spaans
& Silk, 2006; Begelman et al., 2006; Volonteri et al., 2008is@/et al., 2008; Regan &
Haehnelt, 2009; Shang et al., 2010). These so called dioapse models involve metal-
free gas in relatively massive>(10%M,) dark matter halos at redshift> 10, with virial
temperaturel’,;,, > 10*K. The collapsing gas which collapse as it cools and sheds its

angular momentum, must avoid fragmentation and collagsdlya These conditions are
[UaV)
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very difficult to be satisfied simultaneously unless the gasains warm i.e., at temper-
atureT,,;, ~ 10* K. An efficient formation of H gas in such collapsing halos can cool
the gas to the temperature of<T300 K (Shang et al., 2010), even if the fragmentation is
avoided the inward flow of this cold gas is quite slew2-3 km s! with a corresponding
low accretion rate of 0.01 M/, yr—t. We can get away with theJtooling also in these
models provided the gas is exposed to an intense UV.flukhe UV flux slows down the
formation of H, by either directly photo-dissociating,tbr photo-dissociating the inter-
mediary H . To inhibit the formation of H the photo-dissociation timescatgy, oc J*,
has to be shorter than,Hormation time scaléet;,,., o p~!. This leads to a critical UV
flux density needed to inhibit the;Hormation which is directly proportional to the den-
sity, J o< p for these halos the critical flux is high,~ 10? — 10° (Shang et al., 2010),
at high redshifts only a small fraction of halos which are sually close to UV bright
sources may see this kind of flux, on the other hand, to avaghfientation the gas must
remain metal/dust free (Omukai et al., 2008), which is natsiae if the gas is nearby
such luminous galaxies.

2.2 The Role Of Primordial Magnetic Fields

Magnetic heating can play an important role in keeping th&psing gas warm. If we
consider the existence of background primordial magnetidgiof strength (comovingy

1 nG (Widrow (2002) and references therein), it can be stycamplified by flux-freezing
inside the collapsing gas. This in turn will affect the Fbrmation and cooling. Sethi
et al. (2008) have shown that 0.2 - 2 nG fields can significaenlyance the Hfraction
during the early stages of the collapse, later Schleichat. €009) found similar results,
and emphasized that the magnetic heating from 0.1 - 1 nG faldsesult in significantly
high temperatures in halos with high densities> 108 cm™2, which can be achieved
during later stages of the collapse.

This work is an extension of Sethi et al. (2008) & Schleichteale(2009) with higher
particle density in the collapsing halo and the higher mégrield. The main result of
this work is that, there exist a critical density,;; ~ 10> cm~3 above which H cooling
is inefficient, and the temperature stays neail0* K, even as the gas collapse further,
for B < B.i, though H cooling is delayed, the gas eventually cools down betow
1000 K. Though the critical magnetic field value is highemthiae existing upper limits
on primordial magnetic field strength, it can be realizechintare> 2 — 30 regions of the
spatially fluctuatingB field. The abundance of the halos located in these high miagnet
field regions is sufficient to explain the number of quasaseoked at ~ 6 in the SDSS
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observations.

2.3 Chemistry And The Thermo-dynamical Evolution Of
Collapsing Primordial Gas

2.3.1 Formation of molecular hydrogen

In the context of formation of the first objects in the univens, has an important role as
a coolant. Elements heavier than Lithium were first formesitia during stellar evolution
and supernova events, and hence when the first structurebearg formed there was
no better coolant than Hmolecule for temperatures belagg 10000 K. In the context of
primordial universe when there were no dust grains, the &ion of molecular hydrogen
progresses through two channels with eitherdt H, * in the intermediate stage. In the
first process an electron attaches to a neutral hydrogenraidiatively to form H-,

H4e 25 H 4+ (2.1)

which in turn form H molecule by the reaction:

k1o

H +H2 Hy e (2.2)

At the same time H ion can also be destroyed by energetic CMB photons, or uséd up
some non H productive reactions, following are some of the importaaictions of such
kind which we have taken into accou{q are the corresponding reaction rates (Shang et
al., 2010; Sethi et al., 2008)),

H + 5wy —5 H+e (2.3)
H +HY 5% [ 4e (2.4)
H +e 2% g2 (2.5)
H +H 2 of4e (2.6)
H +H" 25 of (2.7)

The alternative channel through the formation ef‘Hoccurs when a proton acts as a
catalyst:
H+HY < Hy +v, Hfy+H— Hy+H" (2.8)
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There is also a third channel through the formation of HeHRecently, Hirata & Pad-
manabhan have shown that the ehannel dominates the production of thedolecule,
with only ~ 1 per cent contribution from thesH channel, and- 0.004 per cent from the
HeH" channel. Therefore in this work Hchannel has been used in the calculations. The
net rate of formation oH, through theH™ channel is given by:

_ kokioT e
kioxgimy + ky + (kig + ka1)zpny + kigzeny + koo grrne

Ko (2.9)

The notation of the reaction rates follows the appendix @righet al. (2010), except the
k., which is the rate of destruction ¢f ~ by CMB photons (eq. 8 in Sethi et al. (2008)).
The net destruction rate of;, kqes, IS:

kdes = kisxar + kirx, + kisxe. (2.10)

rate of formation of molecular hydrogen is then given by,

dxy,
dt

= k(1 — 2o — 224,) — Kaesp T, (2.11)
where symbols have there usual meaning.

2.3.2 Density evolution of the collapsing halo
The density from the equation of motion of a bound shell gaiag under gravity (for
details see e.g. Peebles 1980; Padmanabhan 1993):

= (2.12)

(ignoring the effect of cosmological constant at high réitlshThe parametric solutions
of this equation are given by

r = 2ry[(1 — cosb)/2] (2.13)
t = t[(0 — sind)/2r] (2.14)

Here,t. is the age of the universe at the collapse redshijftandr,;, = r4./2 =
1[(2G M%) /=?])'/3 is the radius at virialization. The collapse of the cold dartter (cdm)
part of the halo halts at the point of virialization and thexlensity of the region at this
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point of time is given by~ 1872 in the spherical top-hat model of gravitational collapse
in the cosmological settings of Einstein d’'Sitter universe this case, the gas density
first decreases due to universal expansion, and then sloaigases prior to the collapse
redshift to reach an overdensity of4%8at z,,,. The temperature reached by the gas after
virialization depends on the mass of the object, M, throdghuirial condition (Sethi et
al., 2008):

M 28 /114, QN3 /o \2/3 “
Tyir ~ 800 K [ —— —m — S 2.15
800 (106 M@) ( 20 ) (0.3) (0.7) <1.22) (2.15)

Even though the dark matter part of halo stops collapsirggts part still continues to
collapse as it cools, to follow the evolution of the gas tdeigdensities beyond the stage
of virialization, we have followed a prescription given theper Birnboim & Dekel (2003).

Under this prescription we follow a spherical shell of gasta®llapse down inside
the fixed dark matter halo using energy conservation argtsn&ke have taken the dark
matter profile as of a fixed isothermal sphere, and it is asduha the shells do not cross
each other as they contract. The total mass inside a sheltlatsr, which originally (at
Zir) CONtaining a total masd/,;, is,

M(T) = fbMvir + (1 + fb)MvirL (216)

vir

wheref; is the baryonic fraction, gravitational potentiakatan be given by,

o(r) = - (2.17)

G-

GMm'r Tvir
—— In ( )
Tvir r
now we can calculate the evolution of the shell in time in ttep ©f dt by increasing- to
r + udt, whereu is the velocity of the shell at radiusand then recalculating the velocity
of the shellu(r + dr) using the energy conservation,

1

1
§u2 +o(r) = 57}3” + ¢(7yir) = constant (2.18)

vyir 1S the velocity of the shell at virialization, and is related),;, andr,;,. by v2 =

G M., /T, Using this method we have followed the infalling gas to teedities up to
10% cm3.
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2.3.3 Thermal evolution of the collapsing gas
2.3.3.1 Magnetic heating

The dissipation of primordial magnetic field due to ambipaldfusion and the decaying
turbulence in the post recombination era can substanthéynge the ionization fraction
and the temperature of the gas even before the halo stddpsiolg (Sethi & Subramanian,
2005; Schleicher et al., 2009).

The magnetic field energy dissipation due to ambipolar giffa can be expressed as
(see e.g. Cowling (1956); Shu (1992); Sethi & Subramani@o%))

dEp Tpuf(t) / / 2
— = dk dko M (k1) M (ko) ki ks 2.19
( dt )ambl 487T fypbpl ' ’ 1 2) > ( )

All quantities in eq. (2.19) are expressed at redshi#t 0. The time—dependence of the
decay rate is given byi(t) = (1+2)* during the pre-collapse stage, afd) o p~*/3 dur-
ing the collapse phase. Heyg,, p, andp; correspond to the neutral, total and ionized mass
density respectivelyy = (woy,)/(m, + m;) (Shu, 1992), where is the ion-neutral rel-
ative velocity and;, is the cross-section for the collision between ions andraéutFor
w < 10km s, which is relevant for this analysi&yo;,) ~ 3 x 10~ cm? st is indepen-
dent of the relative velocity of ions and neutrals. The tadghagnetic field is assumed to
be statistically homogeneous and isotropic and Gaussigmavower spectrumd/ (k) =
Ak™ with a large-k cut-off ak = k., ~ 235(1nG/By) (comoving) Mpc™?; Ky iS de-
termined by the effects of damping by radiative viscositsimiyithe pre-recombination era
(for more details see section 1.4, referred to as the magnetic field strength, is defined
as the r.m.s. value at= 1 Mpc~!. The normalizatiom can be determined by smoothing
the magnetic field over a given scdlg. Magnetic field power spectrum is assumed to be
nearly scale invariant with ~ 3 for this study. Many theoretical analyses show that these
are the only power spectra compatible with current obsiemat(e.g. Sethi & Subrama-
nian (2005), and references therein). For obtaining nwakresultsp = —2.9 has been
used. Unless specified otherwise, the time—evolution ofrthgnetic field is assumed to
be given by flux-freezing, which implies a power—law depermde3 «x p* on the gas
density witha: = 2/3. In practice, this scaling may be less steep; below we wil@e
how our results change for different valueshof

Though magnetic field energy can also be dissipated by gemgidecaying magne-
tohydrodynamic (MHD) turbulence, we found that the ambépdaliffusion always domi-
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nates for our case The evolution of magnetic field energyitjecan be written as

dbg _4p (dEpg)  (dEg (2.20)
dt 3 P dt turb dt ambi
The first term on the right-hand side takes into account tleagé in the magnetic field

energy due to adiabatic expansion (in the early stages oéwbkition of a halo) and
compression (during the halo collapse). The heafing; can be expressed as,

dEg dEg
L =(— — 2.21
et ( dt ) turb - < dt ) ambi ( )

2.3.3.2 Other cooling (heating) processes

The cooling (heating) processes that dominate in primbgaisiin the density and temper-
ature range we consider for this problem, are: (a) Comptotirgp (heating)k;- (eq. 15
in SBK08), (b) atomic H cooling (eq. 16 in SBK08), and {&) molecular cooling (Galli
& Palla 1998) and (d) the adiabatic cooling (heating) duexiga@sion (collapse) of the
system. In the following section,

Lcool = atomic H cooling + molecular Hy cooling (2.22)

2.3.3.3 Evolution of density (n), temperature (1) and other related quantities

Following Sethi et al. (2008), the evolution of the ionipatifraction ¢.), magnetic field
energy density £), temperature’l’), andH, molecule fraction £;;,) are described by
the equations

ge = [Be(l—x.)exp (—hva/(kpTur)) — acnpz?] C +
+Yenp(1 — xe) e (2.23)

Z—f = %Z—ZT + kicte(Tan — T) + 373]@ (Lheat = Leo) . (2.25)
dz? = knmpze(l — zc — 224,) — KdespTn, - (2.26)

The symbols here have their usual meaning. Eq. 2.24 and 2e26st the Eq. 2.20 and
2.11 described in the previous subsections, Eq. 2.25 ishioteémperature evolution of
the collapsing gas, in which the first term correspond tolatia cooling (or heating),

second term is accounting for inverse Compton cooling (h@BtL...1, Lica: are the other
R\
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heating and cooling (volume) rates, described in the ptev/gections. Eq. 2.23 describes
the evolution of the ionized fraction, the first two terms treterms for the recombination
of the primordial plasma (for details and notation see Reeb968, 1993), the third term
on the right-hand side of the equation corresponds to tHisicolal ionization (for details
see Sethi et al. (2008)).

2.4 Results

In Figure 2.1, 2.2, and 2.3 the evolution of the temperatineH, fraction ¢v.,/ny), and
the ionized fraction for a single halo from~ 800 (corresponding to the initial number
densityn ~ 100 cm~3 on the left of Figures 2.1, 2.2, and 2.3), down to a maximunsidgn
of n ~ 10°cm™2 in the collapsed halo. The evolution on these figures is numically
to the right: the x—axis shows the density decreasing toitite (until the turnaround
redshift), and then increasing again as the halo collapses.

These figures show an interplay between several physiaadteff First, the magnetic
field decay directly increases the temperature. This ise®#he electron fraction (due to
more rapid collisional ionization), the larger electroadtion in turn tends to increase the
molecular hydrogen fraction, but at the same time high teatpee increases the colli-
sional destruction rate of molecular hydrogen. Thus theagwdar hydrogen cooling rate
depends on the temperature directly. As the temperatuchesg 8, 000K, atomic cool-
ing dominates, which, again, is governed by the ionizedifvsac A higher magnetic field
strength generally results in more rapid heating, and tbe¥ex higher temperature. This,
in turn results in higher ionized fractions, higher frlaction but controlled by its destruc-
tion again due to high temperature. In the collapsing staggwHl cooling is not efficient
because of low temperature, molecular hydrogen becomekth@aant coolant, and thus
play an important role during the collapsing phase of the.hal

Figures 2.4 and 2.5 show the variation of various kind ofingaand cooling functions
as the halo collapse for magnetic field strength= 1 nG and4 nG respectively. In both
the Figures we see that during the collapse phase, adidisgttong or Compton cooling
rates are much lower than the magnetic heating¢cdoling or HI cooling, and therefore
they do not play an important role in this whole process. Bpe 1 nG case, (Figure 2.4)
we see that the atomic HI cooling becomes unimportant sdentaie start of the collapse
phase, as the magnetic heating is not sufficient to keep theaeature above 8000 K, as
a consequence temperature goes down below 8000 K and atoolingrate decreases
sharply. But H cooling quickly becomes more important, dominating the nedig heat-
ing for a short period of time when the density is around 0.12-d3, resulting in a

[l
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Figure 2.1: The temperature evolution of a patch of the intergalactidioma is shown as it initially
expands and then turns around and collapses to high desigydifferent curves correspond to
different values of the assumed primordial magnetic fiefdladeled. The gas evolves from the
left to the right on this figure. The left panel shows the exj¥ang phase, starting from an initial
density of~ 100 cm~3 (corresponding to the mean density at redshiftz 800) and ending at
the turnaround just below = 10~2 cm™3. The right panel follows the subsequent temperature
evolution in the collapsing phase.
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Figure 2.2: The evolution of thél, fraction in the same gas clouds shown in Figure 2.1.

rapid drop in temperature (see Fig. 2.1). As the halo collafsrther, the gas begins to re-
combine and ionized fraction decreases (see Fig. 2.3) wh@enagnetic heating increases
due to increase in ambipolar diffusion, as a result magreating catches up with H
cooling, resulting in a nearly constant temperature, thios only when the collapse has
proceeded beyond a critical density= 103cm 3.

For By = 4 nG (Figure 2.5) magnetic heating is sufficient enough to kbepgemper-
ature high (above 10000 K) and atomic HI cooling remains irtgyd, and the magnetic
field roughly balances the atomic HI cooling during the whm#apse stage, resulting in
a nearly constant temperatufe~ 10* K throughout. The high temperature gives rise to
higher ionization fraction and therefore helps tdrmation but at the same time the high
temperature causes increase indéstruction rate and as a net result because of high mag-
netic heating H cannot form fast enough to ever become an important cooldr&.halo
remains at a temperature 10* K up to the critical density. By experimenting with several

[l
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Figure 2.3: The evolution of the ionized fraction in the same gas cloldsvs in Figure 2.1.

intermediate values of the magnetic field, we have foundtthatclear—cut bifurcation in
the thermal evolution occurs at a critical magnetic fielésgth of B..;; = 3.6 nG.

To check the robustness of our results against the collajssenh of the halo, we
changed altered the density (obtained using the presamipfiBirnboim and Dekel) by an
order of magnitude. We found that the apart from weakenmigieo or delayed/advanced
H, cooling the other qualitative features like the bifurcatmf the behavior around the
magnetic field strengti®..;; = 3.6 nG were unchanged. Apart from this another concern
about this analysis could be the assumption of flux—freeziBghleicher et al. (2009)
note the possibility of the breakdown of this approximatiora collapsing halo. If the
field is not sufficiently tangled, collapse can occur wittididissipation in the direction
of the field lines; the magnetic field might grow less rapidigri our adopte@®?. Our
computations in the range ~ 0.55—0.6 show that the critical magnetic field required to
prevent the halo from cooling increasesig ~ 57 nG.

[l
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Figure 2.4: The heating and cooling rates are shown for various prosesséabeled, foB = 1
nG. The rates are in the unids/dz = H; 'Q,"/2(1 + 2)=5/2,

2.5 The Mass Of The Central Object

The expected mass of the central object scales approxiyresall o ¢ oc ¢ o T3/
(Bondi accretion; see, e.g., Shang et al. 2010). This imghat a stellar mass of
200M,,, expected forl’ = 300K, can increase tez 4 x 10* M, when Hy;—cooling is
inefficient andT" ~ 10?K (in their three—dimensional simulations, Shang et al. find
somewhat still steeper scaling). A small fraction of halbs & 10 — 15, which contain
pristine, metal—free gas when they collapse, and whiclieesi regions of an unusually
high initial seed magnetic field, may produce a SMBH with asnafsup to~ 10*~5 M.
The time available between= 6 andz = 10 — 15is ~ (4 — 6) x 10® yrs, allowing for
a further growth in mass by a factor of (2 x 10%) — (3 x 10°) at the e—folding time of

4 x 107 yr, (corresponding to Eddington-limited growth at the radeefficiency 10%).

[l
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Figure 2.5: Same as Figure 2.4, but fé& = 4 nG.

Hence, thel0*~° M., BHSs, produced through the primordial magnetic field, careaut
grow into the> 10° M, SMBHSs byz = 6.

The abundance of halos in the PMF—induced structure foomatase drops very
sharply for masses above the magnetic Jeans mass (e.g., 8885pr simplicity, we
conservatively drop this contribution in our analysis.He tisuahCDM model, using the
fitting formula for the halo mass function from Jenkins et(@001), and the current best
fit cosmological parameters from Komatsu et al. (2009), we tirat the abundance of all
M > 3 x 10 M halos atz = 10 is~ 5 x 1075 (comoving) Mpc . At the somewhat
higher redshift of: = 15, the abundance of halos above the same mass drops sharply to
~ 3 x 1078 Mpc™>.

The space density gf 10° M, SMBHSs, inferred from the observed abundance of
brightz ~ 6 quasars, is- 6(51 (comoving) Gpc?®. Hereeq denotes the duty cycle, defined
as the fraction of the Hubble time that= 6 supermassive black holes are observable as

[l
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luminous quasars. Assuming a quasar lifetime-ai0 Myr (e.g. Martini 2004), we have

eq ~ 0.05, and the space density of= 6 SMBHSs is~ 20 Gpc*. Therefore, at redshift

z = 10, a fraction as low ag ~ (20 Gpc™)/(5 x 107> Mpc™®) = 3 x 1073 of the whole
population ofM > 3 x 10'° M, halos is sufficient to account for the presence of these rare
z ~ 6 SMBHSs. Such a small fraction would correspondi@.8c upward fluctuations of

a Gaussian random PMF.

2.6 Discussion

In this work we have investigated the role of primordial metimfields in the formation
of SMBHs at high redshifts. Calculations showed that thealigas collapse in the early
dark matter halos, aided by heating from the dissipation pfimordial magnetic field
can lead to the formation of high mass objects which in tum g@w into a SMBH by
the redshifts of 6-8. This model avoids many of the odd assiemgrequired in earlier
models (such as an extremely high UV flux and the absenék ahd of other molecules
and metals). But at the same time this model requires a laigemial magnetic field,
and relies on metal-free primordial gas. From this analysigeneral, it seems that any
other heating mechanism, which could compete with atomicdaling in the collapsing
halo, down to a density of ~ 10% cm—3, would produce similar effect as the magnetic
field produced here.




3

Primordial Magnetic Field Limits
From Cosmological Data

3.1 Introduction

In the previous chapter we saw that, presence of magnetitsfagn play an important
role in the formation of early collapsed halos . If the magnéeld strength around the
collapsing halo is strong enouglB(.; = 3.6 nG), it can drastically change the course
of thermal and dynamical evolution of the halo, and as a tesole massive stars can
form and consequently it can lead to formation of early soassive black holes. The
abundance of such objects will depend on the value of prirabngagnetic field at those
high red shifts, which is still not a well probed quantity.i3khapter is about the study of
limits on primordial magnetic field coming from various cadogical observables. The
aim of this work was to investigate the limits on primordighgmetic fields coming from
the observational constraint on the Farady rotation of ChMdBafization plane and the
Large Scale Structures (LSS) in the universe.

A quadrupole anisotropy in the temperature inhomogeneitylead to polarization
of CMB photons. This quadrupole anisotropy could arise ftbmfollowing 3 types of
perturbations,

(D Scalar (due to density fluctuations)
(2) Vector (due to vorticity)

(3) Tensor (due to gravity waves)

To study the polarization pattern in the CMB, the CMB polatian can be decomposed
into two components:

(D Curl free component : E-mode or gradient-mode
[UaV)

31
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(2) Grad free component : B-mode or curl-mode

the E-mode may arise due to both the scalar and the tensarlpetions (the contribution
from vector perturbations is expected to be negligible) the B-mode could arise due to
only vector or tensor perturbations. In fact a cosmologitagnetic field also can source a
B-mode in CMB polarization and CMB B-polarization measuegtncan be a crucial test
to limit the primordial magnetic field strength. In this aysi we are not going to take
this into account.

Presence of magnetic field during recombination causesianin CMB polarization
plane due to Faraday effect. The same field could cause adaitilensity perturbations
and thus affect the structure formation scenario and thedt&stics (Section 1.5).

3.2 Modeling The Primordial Magnetic Fields (Concept
of Beff)

Assuming primordial magnetic field as a stochastic Gaussggnetic field it can be fully
described by its two-point correlation function . For simpy we consider here the case of
the non-helical magnetic field, in this case the two-poimteation function in wavenum-
ber space can be written as (Section 1.4, equation 1.1)

(B (k) B;(K)) = (27)*6) (k — K') P (k) Py(k). 3.1)

Herei andj are spatial indices, j € (1,2, 3), k; = k;/k a unit wave vectorPZ-j(lE) =
d;; — kik; the transverse plane projecté®) (k — k') the Dirac delta function, an# (k)
is the power spectrum of the magnetic field.
We define the smoothed magnetic figly through the mean-square magnetic field
(Mack et al., 2002)
B,* = (B(x) - B(x))x, (3.2)

where the smoothing is done on a comoving lengtlvith a Gaussian smoothing ker-
nel functionx exp—z?/\?]. Corresponding to the smoothing lengths the smoothing
wavenumbek, = 27 /\. The power spectrurz (k) is assumed to be a simple power law
on large scaleg; < kp (wherekp is the cutoff wavenumber),

2m2\3 B2
(np/2+3/2)

Py(k) = Ppok® = (AR)", (3.3)

and assumed to vanish on small scales whesekp.

[l
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The energy density of the magnetic field is given by (Kahnrdis& Ratra, 2007)

B BQ(]{;D)\>TLB+3
p(A) = SWF?nB/Q 15/2)

(3.4)

For this work we define an effective magnetic fiéld; such thapp = B%/(87). For the
scale-invariant spectrum g = —3 ; (Ratra, 1992)) we geB.s = B, for all values of\.
The scale-invariant case is the only case where the valude a@ffective and smoothed
fields coincide.

The cut-off scalékp (= k... Section 1.4, equation 1.3) is determined by the Alfvén
wave damping scale,' ~ v4Ls Wherev, is the Alfvén velocity and. s the Silk damping
scale (Jedamzik et al., 1998). This description is more @pfate when we are dealing
with an homogeneous magnetic field and the Alfvén waveswaréuctuationd, (x) with
respect to a background homogeneous magneticBgl{ B;| < |Byl). In the case of
the stochastic magnetic field we generalize the Alfvénaigtalefinition, see Ref. Mack
et al. (2002), by referring to the analogy between the affeanagnetic field and the
homogeneous magnetic field. Assuming that the Alfvén wlas determined byB.¢, a
simple computation gives the expressiorkgfin terms of B¢ (Kahniashvili et al., 2011):

kp (2m)st3h - (107G
1MpC_1 N 14\/F(7’L3/2—|—5/2) ( Bef[‘ ) ' (35)

Here I is the Hubble constant in units of 100 km'sMpc=!. The BBN limit on the
effective magnetic field strengtl.z < 8.4 x 10~7 G (Kahniashvili et al., 2011), gives an
upper limit on the cut-off wavenumbéry,,

(2) 432

EBBN > 0.1741/2
b= T'/2(ng/2 4 5/2)

Mpct (3.6)

In the case of an extremely large magnetic field it is possleavel, > 1 Mpc. At this
point it would seem unreasonable (unjustified) to considanaothing scale = 1 Mpc
as is conventionally done.

3.3 CMB Polarization Plane Rotation

The presence of (primordial) magnetic field during recorabon causes a rotation of the
CMB polarization plane through the Faraday effect (Koson&K.oeb, 1996). The rms
rotation anglea,,s = ({?))'/? induced by a stochastic magnetic field with smoothed

[l
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Figure 3.1: Rms rotation angley,s as a function of spectral indexz for the case wheB.q =
1nG andyy = 100 GHz. Circles correspond to the computed values.

amplitudeB, and spectral indexp is given by

@) =32 4; Lo (3.7)

where the rotation multipole power spectrdrfi is (Kosowsky et al., 2005)

Ul +1) B2
(Am)3¢2vd T (np/2 + 3/2)

)\ np+3 s
X <—) / dx 2" j7 ().
Tlo 0

Heren, is the conformal time todayy, is the CMB photon frequency? = 1/137 is the
squared elementary charge in cgs unjts;) is a Bessel function with argument= k7,
andzs = kgny whereks = 2 Mpc ! is the Silk damping scale. In the case of an extreme
magnetic field which just satisfies the BBN bourig, might become less than the Silk
damping scale. In this case the upper limit in the integralvabmust be replaced by

o (3.8)

xp = kpno.




3.3. CMB Polarization Plane Rotation 35

10°

=
o

2
(Beﬁ/nG)(loo GHz/vO)

N

- BBN limit: 840

T T T T L T T T
| { =
' 479
] 1
: 1242
| |12
_I_-____—q——-_
I— - mm | = - _I_ =
N : I31
| [ R
n.= I |
® |
\\\\\\ Ng=1 || I i
s N_=0 | | ]
B |
———n:_ll |
..... n_=-2|! !
B [
"""" N5="3|1 (3.16°) | (4.4°)
I I | I I I

2 2.5 3 3.5 4 4.5 5
Ams ()

rms

Figure 3.2: Effective magnetic field limits set by the measurement ofrtitation anglen,.,,s for
different spectral indexn(zp = —3,—2,—1,0, 1, 2, from bottom to top). The horizontal solid line
shows the upper limit set by BBN. Vertical dashed lines spoad to the angles, s = 3.16° that

is set by the BBN limit on the effective magnetic field with spal indexng = 2 andag,s = 4.4°

set by the WMAP 7-year data. The numerical values of the &ffemagnetic field constraints (in
nG at 100 GHz) from thev,,s = 4.4° limit are shown on the graph for each spectral index value.

In terms of B¢, EQ. (3.8) can be rewritten in the following form,

a/\/
o~

and, as a result,

Qs 0.140(

« [i(m I +1) /IS dz 27 12(z)

L6 10 M+ (Bog)2<1OOGHZ)4

(k?Dno)nB+3 1nG 12

Ts
X n32+ ’ / dx 28 52 (z), (3.9)
0

Beg 100GHz\?* ng+3
1nG i (kpno)(ns+3)/2
1/2

(3.10)

=0
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It is of interest to compare Eq. (3.10) with the correspogdiasult, Eq. (2) of Ref.
(Kosowsky & Loeb, 1996), derived for a homogeneous magriid and at frequency

vy = 30 GHz, )
B H
o = 1.6 (D0 (20GH (3.11)
1nG 1

Both expressions agree fo; — —3 after accounting fod_, (2] + 1)j7(z) = 1 and the
fact that Bessel functions peakat- [ for given! (see Appendix A).

Figure 3.1 shows the rms rotation anglg,s, Eq. (3.10), as a function of the spectral
indexn z when the effective magnetic field is normalized talbe® G. The WMAP 7-year
data limits the rms rotation angle to be less theti at95% C. L. (Komatsu et al., 2011).
This allows us to limit the effective magnetic field as showifrig. 3.2.

3.4 Large Scale Structures

A primordial tangled magnetic field can also induce the fdramaof structures in the
Universe. In particular, these fields can play an importateé m the formation of first
structures (see, e.g. Refs. Wasserman (1978); Kim et @6(1$ubramanian & Barrow
(1998); Gopal & Sethi (2005); Sethi & Subramanian (2005)h&et al. (2008); Yamazaki
et al. (2008); Sethi, Haiman, Pandey (2010)).

The magnetic-field-induced matter power specti(k) is o< k* for ng > —1.5 and
x k847 for ng < —1.5 (Kim et al., 1996; Gopal & Sethi, 2005). The cut-off scale of
the power spectrum is determined by the larger of the magdetins’ wavenumbéy and
the thermal Jeans’ wavenumbigr,..., (for a detailed discussion, see, e.g. Ref. Sethi et al.
(2008)). Here the magnetic Jeans’ wavenumber is (see, efgkin et al. (1996))

ky ~ (2308 F3)/2  13.8)% (na+5) (1BLG) Mpec~t (3.12)
eff

Unlike the ACDM matter power spectrum, the magnetic-field-induced matieep spec-
trum increases at small scales and can exceed@igM matter one at small scales (for a
comparison of these two spectra, see, e.g. Fig. 3 of Ref. I@opethi (2005)). And, there-
fore, one of the more important contributions of the adddilgpower induced by magnetic
fields is to the formation of the first structures in the Unseefe.g. Refs. Sethi & Sub-
ramanian (2005); Sethi, Haiman, Pandey (2010); Yamazadii. €2008) and references
therein).

In Fig. 3.3 we show the linear mass dispersidn/) for matter power spectra induced
by a primordial magnetic field wittlB.s = 6 nG at z = 10 for different values ofn .
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Notable features of Fig. 3.3 are: (a) the mass dispersionmall scales is larger for a
larger value ofng; and, (b) forng > —1.5, the mass dispersion drops more sharply at
larger scales than forg < —1.5. We focus here on the mass dispersion on the smallest
scales, as these scales are more relevant for the formdtithre dirst structures in the
Universe. These first structures were responsible for tiomimation of the Universe at
z ~ 10. To obtain meaningful constraints @hs from the formation of first structures, we
need to know how the curves shown in Fig. 3.3 varyasis changed and as the Universe
evolves.

The mass dispersian M, =) evolves with the time dependence of the growing mode of
the linear density perturbations sourced by the primordegnetic field (Kim et al., 1996;
Gopal & Sethi, 2005). The growing modeads a(t), the scale factor, at high redshifts,
the same as in the “standardCDM case without a magnetic field. To account for this
evolution the curves correspondingdan Fig. 3.3 must be scaled by roughly a factor of
~ 11/(1 + z) for redshiftsz > 1.

It can be shown that the value ofat the smallest scaled{ ~ 10°M,) is invariant
under a change iB.g if the cut-off scale is determined By: an increase/decrease in the
value of B is compensated by a decrease/increase in the valtig éfowever, if B.g is
decreased to a value at whiéh.... < kj, then the value of decreases with a decrease
in B.g, as the cut-off scale becomes independent of the valuigqpof

It has been shown that the dissipation of magnetic fieldsarptist-recombination era
can substantially alter the thermal and ionization histdrthe universe (Yamazaki et al.,
2008; Sethi & Subramanian, 2005; Sethi et al., 2008). Inq@adr, this dissipation raises
the matter temperature and therefore the Jeans’ scale iiGtfle For B,z > 1nG the
matter temperature rises to 10* K as early as > 100, (Sethi & Subramanian, 2005),
resulting in a steep rise in the Jeans’ scale as compared testhal case. The Jeans’ wave
number corresponding to this temperaturéjs.., ~ 10 Mpc~! (see, e.g. Fig. 4 of Ref.
Sethi et al. (2008)).

WMAP results show that the Universe reionizedzatv 10. This reionization was
caused by the non-linear collapse of the first structurdlgwed by star formation and
the emission of UV photons from the collapsed halos. For @alzed structure in the
spherical collapse model, the linear mass dispersion1.7. This implies that the value
of o at the scales of interestat~ 10 is not expected to be much higher thiaii. Consider
thenp = 2 model in Fig. 3.3; the value of mass dispersion at the smaltedes is~ 100,
which means that the first structures formed at 650 in this case (the redshift of the
collapse of first structures is 6.50,,.x, Whereo ., is the maximum value of atz ~ 10),
which can certainly be ruled out by the WMAP data on CMB amgaies. A similar
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10_ 1 1 1
8 10 12 14

10 10 10 10
Mass (Solar Mass)

Figure 3.3: The mass dispersion at= 10 for B.g = 6 nG as a function of magnetic field power
spectral index:z. From top to bottom (at the left hand side of the plot), thevearcorrespond to
np=2,1,0,—1,-2,—2.28.

arguments can be used to rule out almost all the models shokig.i3.3. Only the nearly
scale-invariant models withgy ~ —3 do not put strong constraints on the strength of the
magnetic field. As argued above, the value of mass dispeggitime smallest scales to
collapse is nearly independent of the magnetic field sttengtessB.; decreases to a
value such that; = ku.om. In this case, the value of decreases below those shown in
Fig. 3.3. We have explored a wide range ®f; for the range of spectral index shown
in Fig. 3.3. We find that the range of acceptable valuegs-#nG. In Fig. 3.4 we show
the B.g corresponding t&; = k.o NOtwithstanding various complications discussed
above, this figure gives a rough sense of the acceptable cdrigig over the entire range
of ng.

In the foregoing, we neglect the impact of th€ DM model on the process of reion-
ization. As the density fields induced by th&€DM model and the magnetic field are
uncorrelated, the matter power spectra owing to these twsigdl phenomena would add
in quadrature. The smallest structures to collapse at 10 in the WMAP-normalized
ACDM model are 2.5 fluctuations of the density field as opposed to the magnetit fie

case whered collapse is possible (Fig. 3.3). This means the number ¢dgeed halos is
[l
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more abundant in the latter case. Therefore, dependingesstdin-formation history, if the
magnetic-field-induced halo collapse made an importantriimtion to the reionization
process, the far rarer halos fraf€DM would have made a negligible impact (for further
details and references see Ref. (Sethi, Haiman, Pande))201

6 T T T T

Beff (nG)
w

Figure 3.4: Constraint on the magnetic field strend®i; as a function of the power spectral index
ng.

3.5 Discussion

In this work we study the large-scale imprints of a cosmalagmagnetic field, such as
the rotation of the CMB polarization plane and formationtd first bound structures. We
derive the corresponding limits on a primordial magneticlfenergy density, expressed as
limits on the effective value of the magnetic field,;. These limits are identical to limits
on the smoothed magnetic fielg) (smoothed over a length scaléhat is conventionally
taken to be 1 Mpc) only in the case of the scale-invariant reagfield (whemz = —3).

For a steep magnetic field with spectral index = 2 the difference betweeB)_; v
andB.g is enormous (greater than'®). We show that using the smoothed magnetic field
can result in some confusion; e.g. an extremely small sneabthagnetic field on large
scales does not mean that this field cannot leave observabéston cosmological scales.
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An intergalactic magnetic field of effective value largeantl-10 nG (with, depending
on magnetic spectral index, corresponding valueBpf; y,. in the rangel0—® — 10726
G) is ruled out by cosmological data. These limits of 1-10 m&a@onsistent with recent
observational bounds on the intergalactic magnetic fieket¢Nov & Vovk, 2010; Tavec-
chio et al., 2010; Ando & Kusenko, 2010) if the field was getentan the early Universe
with spectral shapep < 1. This favors the inflationary magnetogenesis scenario.
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Appendix: Evaluating the right hand side of Eq. (3.10) when
np — -3

The/np + 3 factor in the numerator of the right hand side of Eqg. (3.1@ospensated
by a corresponding/+/ng + 3 from the Bessel function integral when the spectral index
ng — —3 and so the expression far,,, remains finite in this limit. To establish this
we use properties of the Bessel function. Recall f#ét) peaks atz ~ [, as shown

in Fig. 3.5. This allows us to replace the fact¢r + 1)j7(x) by z?j%(z) (the accuracy

of this approximation is of order 15-20. The next step is to perform the sum over
[. It is obvious that there is cut-off multipole numbier that corresponds to the cut-off
wavenumberic ~ min(zp, zs). Now j?(z) satisfies

> @+ 1)) =1, (3.13)

=0

while we are interested in computi@ﬁgo(% + 1)77(x). The Silk damping scale cutoff
multipole number igs ~ 16000, Kosowsky et al. (2005). Figure 3.6 shows that the sum
to /g converges to 1.
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Figure 3.5: The squared spherical Bessel functigif$x) for I = 5000 (top) andl = 10000
(bottom). Clearly;? (z) peaks atr = [.
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Figure 3.6: The sum of the squared spherical Bessel func@ﬁ0(2l + 1)j () for lc = zg ~
16000. The sum converges to 1 (horizontal solid line).
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Probing Primordial Magnetic Fields
Using Weak Lensing

4.1 Introduction

In recent years, weak gravitational lensing has proved tmieeof best probes of the matter
power spectrum of the universe. In particular, this methadreliably estimate the matter
power spectrum at small scales which are not directly addest® other methods e.g.
galaxy surveys (for details and further references seeMumshi et al. (2008); Hoekstra
& Jain (2008); Refregier (2003); Bartelmann & SchneidelO®0 (Figure 4.1). These are
the scale which are affected by the existence of primordagmetic fields (see Figures 1.4
or 4.4) and thus a careful analysis of the cosmological alakdes which probe these small
scale density distribution in the Universe such as weakingrghear and Ly distribution
can actually provide information about primordial magoéelds also.

In this work we attempt to constrain primordial magneticdgelithin the framework
of the two-point shear correlation function induced by gegtional lensing, including the
contribution of matter perturbations induced by these retigriields. We compare our
results with the CFHTLS (Canada-France-Hawaii Telescopgaty Survey) Wide data
(Fu et al., 2008).

4.2 Weak Lensing & Cosmic Shear

4.2.1 Gravitational lensing in general

From Einstein’s general theory of relativity we know thaghl rays passing close to a
massive object are bent by the object’s gravitational fidlde bending of light rays be-
cause of the intervening massive object give rise to the @ienon which is known as

[l
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Figure 4.1: Inflationary matter power spectrum, showing the variouderof matter distribution
in the Universe at different scales. Picture source: Tegmdr et al. 2004. PhRvD, 69, (10),
103501.

gravitational lensing, as the massive object behaves llkasbetween the source object
and the observer. Gravitational lensing often createsipheilind deformed (in a shape of
arc) images of the background objects. One of the great tatyaiof gravitational lensing
is that it allows us to estimate the mass of the lensing olijegtiite a direct way. Grav-
itational lensing can occur on various scales, from plaaretsstars to cluster and super
cluster scales. In the case of lensing objects being plametstars, the lensing effect is
called microlensing, which turned out to be a great help idifig faint objects of the mass
range of planets and stars which are difficult to be obsertleeraise. The gravitational
lensing of background objects by intervening large clisstacilitates a direct probe of the
total (baryonic + dark matter) mass of the cluster. The otwermain types of gravita-
tional lensing are strong and weak lensing of backgroundxigd by intervening cluster
or a massive galaxy. In the case of strong gravitationalignas a result of short distance

[l




4.2. Weak Lensing & Cosmic Shear 45

between source and the lensing object, the produced distantthe source image can be
easily seen in the form of large arcs, rings or the multiplages. Whereas in the case of
weak lensing the distortion in the image of an individualkgaound source is too small to
be detected, it can only be detected by analyzing a large auailbackground sources to
find coherent distortion in their images in the form of prederstretching in the direction
perpendicular to the direction to the center of the lens.

4.2.2 Weak lensing theory & cosmic shear

As photons travel from a background galaxy to the obserliey get deflected by mass
fluctuations along the line of sight (Figure 4.2). Summinghgdeflections arising from

all potential gradients between the observer and the s@ives the total shift on the sky

(Figure 4.3):

2 X D(Xs - X)
00=0;—0,=— dy —=——= V. P(x), 4.1
—0.= 5 [ a2 v @)
where® is the gravitational potentiak is the comoving distance along the light ray and
N
- A

Figure 4.2: A light ray trajectory coming from a distant galaxy to the ebh&r are deflected by
intervening large scale structureefiter). Picture source: Refregier (2003).

D(x) is the comoving angular diameter distance; for spatially(Ra0) universeD(y) is
numerically equal to thg and the expression farin the flat universe is as given below,

C

x(2) = H,

/ (U (1 + 2)> + Qn) 22 (4.2)
0
In equation 4.16, is the intrinsic position of the source on the sky #hds the observed

position (Figure 4.3). However, generally we do not knowttluie position of the source
[l
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source plane

lens plane

observer plane

Figure 4.3: Deflection of light rays coming from a distant source by a getonal potential
fluctuationg. Picture source: Munshi et al. (2008)

but only the position of the observed image. Thus the obbégantities are not the dis-
placements6 themselves but the distortions induced by these deflectiimsy are given
at lowest order (the weak lensing approximation) by the spnictshear (or distortion)
matrix ¥;; (Munshi et al. (2008) and the references therein) which fiinee as:

_ 96 _ 2 [ DO)D(Xs —x)

v, = = — V0 4.3
J 0, 2 X D(xs) V.V, (x) (4.3)

The above (matrix) can be conveniently written in terms af tyuantities called conver-
gencex and the sheay = v, + i 79, as following,

1] 72 I{_’yl )

From the above equation the convergenemd the shear componentsy,, can be written
at linear order in terms of the shear tensors:

o — Ui+ Wy Ui — W

5 , Y= iy with 4 = 5 , Vo=V (4.5)

At linear order the convergence gives the magnification efgburce and the shear de-
scribes the area preserving distortion of amplitude giwepyband the direction given by
its phase. Using equations 4.3 and 4.4 one can derive expmess convergence: and
the shear easily. In the weak lensing limit, small angle (few arc mas)tapproximation,
the convergence turns out to be nothing but the projected density field on Kye s

The cosmic shear power spectrufa(¢) is defined as the lensing convergeneg (
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power spectrum as a function of multipole momeéigor inverse angular scaty F,, and
is a measure of the projection of matter power spectfyran the sky plane,

(k(€)r"(£)) = (27m)*0p (€ — £) Pa(C) (4.6)
From equation 4.5;(¢) and~(¢) can be written as (Munshi et al., 2008),
W(0) =~ (2 + B)o(0) (4.7)

02— 0+ 2il,0,

e+
where ¢ is called lensing potential defined ds; = ¢,;, 8 is the polar angle o¥;
tang = {,/(,, and€ = ({,,/,). From the above it is obvious thd (¢) = P, (/).
Putting the value of)(£) in terms of density contrastk, z) (using Poission’s equation
V20 = (3/2)Q,HZ(1 + 2)d, ¥;; = ¢,; and Eq. 4.3) in the above equation and using
Limber's approximatiork? ~ k7 (herek = (kj, k") with kY = £/D) one can get the
expression fok and~ in terms of, further using the obtained expression for the conver-
gencex(£) in equation 4.6 one can easily get the following relationtfer cosmic shear
power spectrum, which essentially relates the 3d matterepewectrumpPs(k, z) to the
shear power spectruf, (¢) (= P,(¢)) and commonly known as Limber’s equation,

30 = —5 (6 +i6,)0(8) = )= c"n)  (@8)

o = 3 (2) [ i ()
« { / dxfnm%} 2 (4.9)

wherey;,,, is the limiting comoving distance of the survey; n(z) is tedshift distribution
of the sources andis the modulus of a two dimensional wave vector perpendic¢althe
line of sight. Ps is the matter power spectrum.

The correlation functiog(6) of the complex sheay can be computed as,

2
(¥ = / @d—éﬂ(ﬁ) e’ = / %R(ﬁ)emmwdw (4.10)
= / %EPV(E)JO(M).

The cosmological shear field induced by density perturbatie a curl-free quantity
and is donated as an E-type field. One can decompose the edsdrgar signal into E
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(non-rotational) and B (rotational) components. Detectbnon-zero B-modes indicates
a non-gravitational contribution to the shear field, whicigih be caused by systematic
contamination to the lensing signal.
These decomposed shear correlation functions can be seplras:
§+(0) £¢£'(9)

Epp(l) = 5 (4.11)

where¢’ is given by

O =0+ [ Few (4 10 (g)) (4.12)

&, and{_ are two-point shear correlation functions which are relatethe matter power
spectrum according to the following relation,

u(f) = = /0 " 40 0P, (0)Joa(00) (4.13)

B 2
¢ is the angular separation between the galaxy pairs,/anére Bessel functions of the
first kind.

4.3 Shear Power Spectrum From Tangled Magnetic Field
Power Spectrum

We have used the magnetic field induced matter power spediufaquation 1.19) to
compute the shear power spectriy(¢) which in turn is used to calculate, ¢_, £z and

¢p using Egs (4.11), (4.12) & (4.13). We have used the same saadshift distribution
as in Fu et al. (2008):

a ab Zmaz ~Q ab -1
n(z) = A’Zbi; A= (/ Zbidz) (4.14)
2’ +c 0 2’ +c

wherez,,.. = 6. Values of the parameters a, b, ¢ & A we have taken from theegzaper
Fu et al. (2008). Values of these parameters as quoted inaher @re as, a = 0.612
0.043; b =8.125+ 0.871; c = 0.620+ 0.065 & A = 1.555. To evaluate the integral (4.9)

1The presence of primordial magnetic fields will also gerestia¢ B-modes of the shear power spectrum.
Both the vector and tensor modes generated by magnetic &ieldd sources these modes. Vector modes
are likely to play a more dominant role at angular scalestefast in this work.
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we changed the variable fromto z using (4.2).

9., (Ho 4/% dz
o = o () [T m e

x [ / M e () Mr (4.15)

wherek = ¢/x(z). Again Ps (k,z) can be written as,
Ps(k,z) = Ps(k) x D*(z) (4.16)

where D(z) is growth factor, which as noted above is the sasierahe flatACDM mode
and is given by Peebles (1993):
1+2

1/2 -
[ (1 + 2)> + Q)] / NNV (4.17)

50,

D(2) = =

We tookz;,,, = 2.5 for our calculations as in Fu et al. (2008).

For comparison, we also compute all the relevant quantitieshe linear and non-
linear ACDM models. FoACDM linear power spectrum we usétk, z) = AkT?(k)D?(z),
where the transfer functio’(k) is given by Bond & Efstathiou (1984). For nonlinear
ACDM we followed prescription given in Peacock & Dodds (1996dr all the calcula-
tions we have used flat (k=)CDM universe with(2,, = 0.24,2, = 0.044,h = 0.73 and
os =0.77.

4.4 Results

In Figure 4.4 we show the tangled magnetic field induced mpteer spectra for a range
of spectral index. and magnetic field strengthB, atz = 0. The matter power spectra are
plotted fork < k;; a sharp cut-off below this scale is assumed for our comjmutator
comparison, we have also displayed the linear and nonflih€®M matter power spectra
(the non-linear power spectrum is obtained following thehnd introduced by Peacock
& Dodds (1996)). The figure shows that the magnetic field iedumatter power spectra
can dominate over th&CDM case at small scales. Possible implications of this &xce
have already been studied for early formation of structussenization, and the Hl signal
from the epoch of reionization (Sethi & Subramanian, 20G&hiro & Sugiyama, 2006;
Schliecher, Banerjee, Klessen , 2009; Sethi & SubramaB209; Sethi, Haiman, Pandey
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Figure 4.4. The Matter power spectrum is displayed for the magnetic ammagnetic cases.
Magnetic field-induced matter power spectra are plotted fark; in each case.

, 2010). Here we explore the observational signatures sfakcess in the weak lensing
data.

In Figure 4.5 we show the shear power spectra for magnetiomandnagnetic cases.
The green and red curves present the shear power spectrai@ vl linear and nonlinear
matter power spectra, respectively. The blue curve shosvstbar power spectrum for the
tangled magnetic field power spectrum.¢ = 3.0 nG andh = -2.9). In this figure we can
see the impact of additional power in the tangled magnetid-freluced matter power
spectrum as an enhancement in the shear power spectrum ularessgales- 1'.

The peak of the matter power spectra of both A@DM model and the magnetic-
field induced matter power spectra are also seen in the sbeargpectra. The ratio of
angular scales at the peak of the two cases correspond tattheof these peaks of the
matter power spectra,,/k;. In the ACDM model the power at small scales fallsias,
while k; imposes a sharp cut-off in the magnetic case. In both thesctsere is power at
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angular scales smaller than the peak of the matter powetrap&ut the sharp cut-off in
the matter power spectrum At> k; results in a steeper drop in shear power spectra as
compared to thd CDM case. This cut-off ensures that the magnetic field-iedusffects
dominate the shear power spectrum for only a small rangegiflanscales.

In Figure 4.6, the two-point shear correlation functigpsand<z are shown for mag-
netic and non-magnetic cases. As noted in the previousosegte use the parameters of
the paper of Fu et al. (2008) for all our computation, whidbvas us to directly compare
our results with their data, shown in Figure 4.7.

For detailed comparison with the data of Fu et al. (2008), aréopmed ay? including
the effect of both thé\CDM (non-linear model with the best fit parameters as obthine
by Fu et al. (2008)) and the magnetic field induced signal. Wedfthe sum of these two
signals (¢g)s + (££)acpa) @gainst the CFHTLS data to obtain limits on the magnetic
field strengthB, and the spectral index As seen in Figure 4.6, the magnetic field induced
signal dominates the data for only a small range of angutdesdelow a few arc-minutes.
However, this can put stringent constraints on the magfietecmodel. Our best fit values
areBy = 1.5nG andn = —2.96. In Figure 4.7, we show the allowed contours of these
parameters for a range 6fy% = x?—x?2,,,,- It should be noted that, = 0 is an acceptable
fit to the data because we fix the best fit parameters obtainéd ey al. (2008).

4.5 Discussion

Primordial magnetic fields leave their signatures in a hbstservables in the universe.
Their impacts on CMBR temperature and polarization anigoés have been extensively
studied. Yamazaki et al. (2010) compute the allowed regidhe{ B, n} plane by com-
paring the predictions of primordial magnetic field modeighvexisting CMBR obser-
vations. Other constraints come from early formation ofictires, Faraday rotation of
CMBR polarization (e.g. Kahniashvili et al., 2010) and remation in the presence of
magnetic fields Schleicher & Miniati (2011).

In addition to the upper bounds on the magnetic field strengthined by these ob-
servables, recent results suggests that there might bees lmund of~ 10! G on the
magnetic field strength (e.g. Dolag (2010); Neronov & Vovk1Q); Tavecchio et al.
(2010); Taylor et al. (2011)). This would suggest that thgynadic field lies in the range
107'° < B, < afew10~Y G. This range is still too large for a precise determinatiothef
magnetic field strength.
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Figure 4.5: Shear power spectra for the magnetic andA#M models.

How do our constraints (Figure 4.7) compare with the exgsbounds on primordial
magnetic fields? CMBR constraints (e.g. Figure 1 of Yamaeaki. (2010)) are stronger
than our constraints for < —2.95. For the entire range of spectral index above this value,
we obtain stronger upper limits oR,. Our limits are comparable to bounds obtained
from the formation of early structures, which also ariserfrexcess power in the magnetic
field-induced matter power spectrum (e.g. Kahniashvili.gtz910)).

Can primordial magnetic fields be detected in the Weak lgndeta? As seen in
Figure 4.6, detection of excess power in the measuremefit olver what is expected
for the ACDM model, constrained well from other observations, cdaddnterpreted as
contribution from primordial magnetic fields.

The present data is noisy at the scales at which magnetis tielgin to make signif-
[UaV)
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Figure 4.6: Decomposed 2-point shear correlation functigpss for magnetic and non magnetic
cases along with CFHTLS data. The inset magnifies the relexames and data points for a
smaller range of ordinate values. The solid (magenta) swaerespond tgz.

icant contribution, at least partly owing to errors inhénenground based measurements
of shear, e.g. correction for point spread function, etg.(d&igure 5 of (Schrabback et
al., 2010); a brief look at this figure might suggest thattheasurements would already
put stronger constraints on magnetic field strength thasemted here). Future, proposed
space missions such as SNAP are likely to greatly improvetias on these measure-
ments. A comparison of Figure 4 of the white paper on weakingnsith SNAP (Albert
et al. , 2005) with the Figure 4.6 of this paper suggests tN&FSwould easily be able to
probe sub-nano Gauss magnetic fields.

The magnetic field signal could be degenerate with the dveoamalization of the
ACDM model as measured lay ; WMAP 7-year data gives = 0.801 + 0.030 ((Larson
et al., 2011)). WMAP results are in reasonable agreemehttivit value obg as inferred
by the weak lensing data. This error is not sufficient to mithie much larger signal
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Figure 4.7: The figure shows the allowed region in thBy(n) plane, based on the analysis of
((¢g)B *+ (£8)AcpM) against the CFHTLS data Fu et al. (2008). The shaded ardweid 4
allowed region. The three curves (from top to bottom) arda@ans at o, 30 and I level.

from magnetic field strengths considered in this work (eigufe 4 of(Schrabback et al.,
2010)). However, a more careful analysis will be neededsbrdjuish the error iag from
the sub-nano Gauss magnetic fields.

One uncertainty in our analysis is that the magnetic Jeaag,sanlike the thermal
Jeans scale which is well defined in linear perturbationras obtained within an ap-
proximation in which the back-reaction of the magnetic fieldthe matter is not exactly
captured (e.g. Kim et al., 1996; Sethi & Subramanian, 20@)en though our results
capture qualitatively the impact of such a scale, thereccbalmore power on sub-Jeans
scale which is lost owing to our approximation of the shamqukoff. In this analysis the
cut-off scale used is the larger of the magnetic Jeans leagilthe thermal Jeans length.
Magnetic field dissipation can raise the temperature of tediom to~ 10* K, thereby
raising thermal Jeans length of the medium (Figure 4 of Sathl. (2008) for a compar-
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ison between the two scales for different magnetic fieldnsfites). ForB, > 107 G,
the magnetic Jeans scale is the larger of the two scaleseamsdkimum temperature of
the medium reached owing to this process doesn’t extéeH. In the more general case
also this would be true as photoionization of the medium bgpsources, e.g. the sources
which could have cause reionization of the universe at 10, also results in comparable
temperatures. For magnetic field strengths smaller thasidered in the work, the cut-off
scale is likely to be determined by thermal Jeans scale gdaong the photoionization of
the medium by sources other than the magnetic field dissipat®ur approximation al-
lows us to identify important length and angular scales forstudy (Figure 4.5 and 4.6).
However, further work along these lines could extend outysmaby taking into account
the physical effects of sub-magnetic Jeans scales.

The analysis of Lyman forest in the redshift rang2 < z < 4 is another powerful
probe of the matter power spectrum of at small scales (edajt €ral., 2002). Primordial
magnetic field can alter this interpretation in many ways9: n@re small scale power
owing to magnetic field induced matter power spectrum (Fagud), (b) dissipation of
magnetic field can change the thermal state of Lymaeuds (Sethi, Haiman, Pandey ,
2010; Sethi & Subramanian, 2005, e.g.), (c) magnetic Jeamgh can reduce the power
at the smallest probable scale. In the next chapter we vak loto and discuss some of
these effects in detail.







Probing Primordial Magnetic Fields
Using Lya Clouds

5.1 Introduction

In the past 10 years, cosmological weak lensing and the stiudy clouds in the redshift
range2 < z < 5 have emerged as reliable methods to precisely determinmdteer
power spectrum on scales belas ' Mpc (Figure 4.1). In particular, these methods can
estimate the matter power spectrum at small scales whichairdirectly accessible to
other methods e.g. galaxy surveys (for details and furétferences see e.g. Munshi et al.
(2008); Hoekstra & Jain (2008); Croft et al. (1998, 1999,200Since these are the scales
which are highly affected by the existence of primordial metic fields (see Figures 1.4
or 5.3), a careful analysis of these cosmological variatéesactually probe the existence
of these magnetic fields.

In this work we attempt to constrain primordial magneticdseWithin the framework
of the distribution of Lyv clouds in the intergalactic medium (IGM) in the redshiftgan
2 < z < 5. These clouds have been shown to originate in the mildly limear density
regions of the IGM (Cen & Ostriker (1994)). This has allowexvelopment of detailed
semi-analytic methods to understand the observed prepeartithese clouds (e.g. Biet al.,
1995; Hui et al., 1997; Choudhury et al., 2001a,b). Adopangemi-analytic approach,
we simulate density fluctuation along the line-of-sightjuding the contribution of matter
perturbations induced by these magnetic fields. We compigietige Ly« opacity of the
IGM for this computed Ly cloud distribution and compare our results with the exgstin
data (e.g. Faucher-Giguere et al., 2008).

In the previous analysis, the density perturbations indumemagnetic fields are as-
sumed to be uncorrelated to the density field generated bysh@l ACDM model. Re-

[l

57




58 Chapter 5. Probing Primordial Magnetic Fields Using Lya Clouds

5 &
iw@- Qr~ OO / %

5 O

Flux

r =
A—>

Figure 5.1: Formation of Lyv lines in quasar spectra; Picture source: Professor Edward L
Wright's webpagé.

cently, Caldwell & Motta (2011) showed that if the confornralariance of electromag-
netism is broken during the inflation and thus produced tlimgndial magnetic fields,
these magnetic fields may be correlated with the primordiakity perturbations. In our
analysis we have made a separate case for such fields.

The PMF induced matter perturbations grow in the post recoation era by gravita-
tional instability. The matter power spectrum of these yrdtions is given byP (k) o
E*+7 forn < —1.5, the range of spectral index we consider here (Wasserma8; Kém
et al., 1996; Gopal & Sethi, 2003).

Magnetic field induced matter perturbations can only gromsfrales above the mag-
netic field Jeans lengtli;y ~ 15x (1072 G/Beg) (e.g. Kim et al., 1996; Kahniashvili et al.,
2010). The dissipation of tangled magnetic field in the pestbmbination era also results
in an increase in the thermal Jeans length (Sethi & Subraana005; Sethi et al., 2008).
For most of the range of magnetic field strengths and the palsetting (Lyr clouds at
a temperature of 10* K) considered here, the scale correspondingtgenerally are
comparable to or smaller than the thermal Jeans length.

For our computation, we need to know the time evolution oftiaéter power spectrum
induced by tangled magnetic fields. It can be shown that tineirtkmt growing mode in
this case has the same time dependence ad@2M model (see e.g. Gopal & Sethi
(2003) and references therein)

Ihttp://www.astro.ucla.edswright/Lyman-alpha-forest.html
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Figure 5.2: Two actual quasar spectra. One is the nearby quasar 3C2¥8twhiother is a large
redshift object; Picture source: Professor Edward L. Wisgliebpagé-

5.2 Lya Clouds

Lya clouds are cosmological objects of smaller overdensitferaund a few to a few
hundred. These are much smaller in size and mass than thatypfcal galaxy, and
can be seen only by the absorption line they produce in therbagiation coming from
luminous high redshift quasars. These absorption linesbeaseen in the spectrum of
a quasar towards the blue or shorter wavelength side of theagiemission (Ly) line
(Figure 5.1). In the spectrum of a high redshift quasar ttieseappear as a very finely
spaced forest of lines and thus callednlforest (Figure 5.2). By Studying these dy
forest in the spectrum of redshift quasars we can learn ghewtensity fluctuation in the
Universe on the smallest scales. Due to the backgroundmgniz radiation coming from
the surrounding QSO and star-forming galaxies, they arklyignized gas clouds with
the neutral fraction of Hydrogen of the order of 20Following are some of typical values
related to Lyv clouds:
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Table 5.1: Typical values of some physical properties oblLglouds

| # | Physical Property | Value |
1 | Physical Size 100 kpc
2 | Number Density | 2.5 x 107> cm™3
3 | Column Density | 10** cm2

4 | Neutral Fraction |~ 10~*

5 | Temperature > 10°K

5.3 The Simulation: Density Fluctuation Along The Line-
Of-Sight: Distribution Of Ly « Clouds

We describe a brief outline of the numerical simulation iis $ection. Hydrodynamical
simulations have shown that &yclouds are mildly non-linear§( < 10) regions of the
IGM at high redshifts. This allows one to analytically derivnportant observables from
the Lya clouds semi-analytically, in terms of a few parameters tiagahe ionization,
thermal, and dynamical state of the clouds.

Here we have closely followed the semi-analytic presaipgiven in Bi & Davidson
(1997). In this paper we have considered two cases of primardagnetic field induced
matter perturbations : (1) pureCDM matter perturbations and primordial magnetic field
(PMF) induced matter perturbations are uncorrelated @&edhwo are correlated. In both
cases we compute two separate line-of-sight density (aloditsg fields each correspond-
ing to a single kind of matter perturbations. In the formesegathese fields are drawn
from different realizations and in the latter the fields aeeerated from the same realiza-
tion. We add these two density (and velocity) fields to geffithel density (and velocity)
fields in the IGM. To simulate line-of-sight IGM density andlecity fields for a given
three-dimensional matter power spectrum (inflationaryNtuced), first we calculate
the corresponding three-dimensional baryon power spectwhich corresponds to the
original power spectrum smoothed over the scales belovatiged of the thermal or Mag-

netic Jeans scalg,
3
P]glei(kv Z)

®3) _
where ) 12
1 27k T (2
mle) = Hoy {3Nmp9m(1 + Z)} &2

then we compute one-dimensional baryon (density, vel@ity density-velocity) power

[l
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spectra, which will be used in the further computation. Weenteere that the relevant
scale of smoothing for the range of magnetic field values hedG&M temperatures we
consider is thermal Jeans scale and not the magnetic Jeales 3te one-dimensional
power spectra can be computed using the following relations

1 o
PO (k, z) = o / Ak’ P (k, 2) (5.3)
™ Jlkl
1 [ adk
PO (k, 2) = d2(z k;2—/ = POk, 2 (5.4)
(k,2) = a"(2)k" o ‘klk,gB( )
1 [ dk
Py (k. 2) = ia(2)h / %Pég)(k,z) (5.5)
I

whereq is the scale factor.

The density §,(k, z)) and velocity ¢(k, z)) fields in one dimension are two correlated
Gaussian random fields (the correlation is given by the densiocity power spectrum),
we use the inverse Gram-Schmidt procedure to simulate théenmns of two independent
Gaussian random fields(k) andu(k) of power spectra respectiveR, (k) and P, (k)

do(k, 2) = D(2)[u(k) + w(k)] (5.6)

v(k,z) = F(2)iakB(k, z)w(k, 2) (5.7)

whereD(z) and F'(z) are the linear density and velocity growth factors. Fundio(%),
P, (k) and P, (k) are function ofP{®) (k),

B o] Pég)/klgdk,
Bk, z) = /wf Tg) o (5.8)
L R,
Pw(k)_ﬁ(k) /|/<: ok (5.9)
Pu(k;):% OOPég)(k’)k’dk’—PW(k) (5.10)
I

We computeyy(k, z) andwv(k, z) for both kinds of perturbations separately, the cor-
respondings(z, z) andwv(x, z) is computed by using Fourier transforms. And then we
add the contribution from both the kinds togeth&((, z) = 62 (z, 2) 4+ 65™ (x, z) and
v(z,2) = vz, 2) +vP™ (2, 2)) to get the final combined line-of-sight density and veloc-
ity fields. To compute one-dimensional density field for tddARinduced perturbations
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we use the three-dimensional matter power spectrum (e.gal@oSethi, 2003); for in-
flationary perturbations we use the standa@DM power spectrum.

For our computations we have generated the density andityeliedds for 25 redshift
bins between the redshifts 0 to 5. In each bin we Haveoints resolving the Jeans scale
by at least a factor of 4. The cutoff scale (Jeans sag)as the larger of the thermal Jeans
length and the magnetic Jeans length.

To take into account the non-linearity of density pertuidozs in the IGM we use
lognormal distribution of the IGM density field Bi & Davidsda997), thus the number
density of baryons in IGM is taken to be,

ng(z, z) = Ae’ @) (5.11)
Here A is a constant which can be determined using the followiraficah:
(np(z,2)) = no(z) = A(e’2?) (5.12)
sincedg(z, z) is a Gaussian random variable,
(e%8(#2)) = ol (#:2)) (5.13)

thus
(0, 2) = np(z)e?P @5 @) (5.14)

whereny(z) is the background baryon number density given by,

_ Qch

HsMp

no(2) (1+2)° (5.15)

5.4 Calculation Of Ly oo Opacity

The optical depth is given by

14

r(v) = / ()0, <E> dt (5.16)

whereny; is number density of neutral hydrogen in the IGMs the observed frequency,
which is related to redshift z by = (v,/v) — 1, v, is the Ly frequency at rest. The
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absorption cross sectian is given by,

Ia - Va
Oy = —2V (a, Y Ve, 9) (5.17)
T

where parameteb = (2k7/m,)'/? is the velocity dispersion and(z) is the peculiar
velocity field,a = 27e?v, /3m.c3b = 4.8548 x 1078/b, I, = 4.45 x 10~ Bcm 2 andV is
the Voigt function.

The number density of neutral hydrogen;; can be computed by solving ionization
equilibrium equation,

alT(z, z)|ng(z, 2)
a[I'(x, 2)] + Uei[T'(x, 2)] + J(2)/[penn (2, 2)]
whereT(x, z) is given byT'(z, 2) = Ty(2)[ns(z, 2)/no(2)]~! whereTy(z) is the tem-
perature of the IGM at the mean density ands the polytropic index for the IGMy
captures the dynamical state of the IGM gas which gives oi$lkd observed Ly absorp-
tion. These parameters are likely to take values in the 4980< 7, < 15,000 K and
1.3< v < 1.6 (Hui & Gnedin, 1997).a(T), I';;(T) and J(z) are recombination rate,
collisional ionization rate and photo ionization rateshia tGM. For temperaturé ~ 10*
K, the combination of these effects yields (Croft et al.1998

(5.18)

nyr(z, z) =

7(2) ox n2T°7 = A(nB/no)z_m(V_l),

B 1+2\/wh2\?( To N\ 7/ J N\ '[H()]"
A_0‘946< 4 ) (0.0125) 104K (1012s—1 H, (5-19)

To compare with the data we have computed effective optieptirdwhich is the ob-
servable quantity in the form of decrease in observed flux(e~") and is given by,

Teit(2) = — log [{exp(—7))] (5.20)

The data which we have used for comparison with simulatieulte has been obtained
using high resolution spectral observations such as thie Higplution Echelle Spectrom-
eter (HIRES), the Echelle Spectrograph and Imager (ESt),MIKE having FWHM in
the range of—44 kms~! (Faucher-Giguere et al. (2008)), which resolve the Jeaales
over the redshifts we are considering. Since we are alstvieg@deans scale in our simu-
lation, we can directly compare our theoretical resultdliese data without taking into
account the scale dependencegfin our analysis.
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The mean opacityr) and the effective opacity are computed by averaging ovéhall
realizations ofr for a given redshift bin.

We have used flat (k=0YCDM universe with2,, = 0.24,Q, = 0.044,h = 0.73 ancbg
=0.77.

PK) -

| Ll | Ll f’l/ Ll 1 Ll 1 Ll 1 Ll 1 Ll 1 L1
4 10° 102 10t 10° 10* 102 10
k (h™*Mpc) -

Figure 5.3: The matter power spectrum for magnetic case, with addednexpial cutoff and
then smoothed around magnetic Jeans lehgths displayed for various values of magnetic field
strengthB,. Spectral index is -2.95 for each case. Along with that the red curve is maibarer
spectrum for purédiCDM non-magnetic case.

5.5 Results

In Figure 5.3 we show the matter power spectra at the prepachefor magnetic case,
along with the pure\CDM (non-magnetic) matter power spectrum, which has beed us
in our calculations, here an exponential cut-off aroktnchagnetic Jeans scale is assumed.
This figure shows that the magnetic field induced matter pewectra can dominate over
the pureACDM case at small scales > 1 hMpc~1). The effect of this excess has already
been studied in the context of early structure formatiomgnieation, and weak-lensing
signals (Sethi & Subramanian (2005, 2009), Pandey & Sefii{p) As an extension to

that body of work we explore the effect of this excess om leffective opacity in this
[UaV)
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Figure 5.4: Evolution of (7) for the uncorrelated;,s andd,,¢ case.

In Figure 5.4 we show the variation of kyopacity(7) with redshift for various values
of magnetic field strengths. The red dots wjtlerrorbars are the observed values ofiLy
opacityr.g (Faucher-Giguere et al. (2008)). It should be pointed bat the inclusion of
peculiar velocities in the computation o{Equation (5.17)) makes a negligible difference
to the value of either average or effective opacity.

Figure 5.4 corresponds to the case when matter perturlsatidiniced by primordial
magnetic fields and the inflationary matter perturbatioesrant correlated. The average
opacity () is not an observable quantity.The aim of Figure 5.4 is to destrate that the
inclusion of PMF matter perturbations enhances the avespgeity of the IGM.

In Figure 5.5 we show the variation af; with redshift for various values of magnetic
field strength along with the observed evolutionmgf. This plot is for the case when
matter perturbations induced by primordial magnetic figld the inflationary matter per-
turbations are not correlated. Comparing this figure witjuFe 5.4 we see that the slope
of redshift evolution ofr.¢ is far smaller than for average opacity. This differencengg
to the fact that for HI column densitig¥y; > 10* cm~2, the optical depth exceeds one.
For column densities larger than this saturation valuepfiteeal depth increases only as

logarithm of the column density and therefore these clowgtsagsmaller weight in the
[UaV)
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Figure 5.5: Evolution of7.g for the uncorrelated;,q andd,,s case.

computation ofr.¢. As the average opacity of the IGM increases sharply witheasing
redshift (Equation (5.19)), this effect is more enhancdugtter redshifts.

A comparison between Figures 5.4 and 5.5 shows that an seirér) doesn’t nec-
essarily lead to an increaseg. In Figure 5.5 it is seen thatg is greater than the usual
ACDM case forz < 3 but falls below the predictions of this model for larger reifts.

We can understand this behavior by the following set of amguism The change in
the effective optical depthr.s < >, exp(—m;)dr;, wherer; refers to optical depths of
individual clouds. On the other handkr) ). dr,. As seen in Figure 5.4, the inclusion
of PMF density perturbations increage) or ) . dr; > 0, but) . exp(—7;)d7; could be
negative ifdr; is negative wherever; is smallest. To elaborate this point, In Figure 5.8
we have plotted the distribution of optical depths for the 1.5 nG case (= 4), against
thedr, = 7, (2 nG) — 7, (0 nG); (2 = 4). Itis clear from this figure that; values are
small whendr; is more negative, or this can mak€e, exp(—r;)dr; negative, and thus it
explains the decrease af; even when there is increase (in) with increasing magnetic
field values. It should be pointed out that this behavior.gfcannot be mimicked by a
change in/J, v (Equation (5.19)) or by a scaling of the power spectrum byngiray the
value ofosg.

The Figures 5.6 and 5.7 are for the same analysis as Figures8.5.5 respectively,

[l
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Figure 5.6: Evolution of () for the correlated;,q andd,,¢ case.

but for the case when induced matter perturbations andiorilaty matter perturbations
are correlated. In Figure 5.6 the valuegof are smaller in comparison to the correspond-
ing values in the case of uncorrelated matter perturbations

For detailed comparison with observations we performedikedéihood analysis for
the 7.4 against the Faucher-Giguere et al. (2008) data as a fumefifour parameters/
((1.4t0 2.0)10'?), v (1.4 t0 2.0),5, ((0.1 to 2.0) nG), and (-2.80 to -2.99). To compute
the posterior probability for magnetic field parameters, marginalized the likelihood
function over the parametersand~. Figure 5.9 shows the results of this analysis for the
uncorrelated case. The curves from top to bottom are th@uotor 5, 30 and b levels
forarange ofAx? = x? — x2. . We see that in this case far= —2.90 the allowed values
(by 50) of magnetic field ard3, < 0.6-0.7 nG, and fon = —2.95 is By < 1.3nG.

In Figure 5.10, we compare this result with our previoussialwith the weak-lensing
data Pandey & Sethi (2012) and the present analysis withdirelated case: the lower
triplet (red green and blue), solid and dashed correspamdiet uncorrelated and the
correlated cases respectively of the present analysisteabdhe upper triplet (dotted)
correspond to our previous analysis with the weak-lenseig.dlIt is clearly seen from
Figure 5.10 that the constraints arising from the correlatese are not very different from
the uncorrelated case. Or thed.glouds do not provide an appropriate physical setting

[l
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Figure 5.7: Evolution of g for the correlated;,s andd,,s case.

for distinguishing between these two cases. From Figur@ B.also follows that our
present constraints are considerably stronger that owrqu® analysis with the cosmo-
logical weak-lensing data.

5.6 Discussion

Primordial tangled magnetic fields leave their signaturesasmological observables for
a large range of scales from sub-Mpclte* Mpc. CMBR temperature and polarization
anisotropies provide probes for the magnetic fields forescgl10 Mpc (e.g. Kahniashvili
etal., 2010). Recently, Yamazaki et al. (2010) computechtiogved region in the By, n}
plane by comparing the predictions of primordial magnegtdfimodels with existing
CMBR observations. Constraints on smaller scale come frarty éormation of struc-
tures induced by PMF. The observables that impact thesessicelude early reionization,
HI signal from the epoch of reionization (Sethi & Subramanja009, 2005), Schleicher
& Miniati (2011)), cosmological weak gravitation lensingandey & Sethi (2012)), etc.
Other constraints on large scale cosmological magnetusfiglise from rotation measure
(RM) of high redshift polarized radio sources (e.g. Kolaf98; Sethi, 2003; Blasi et al.,

1999); RM of radio sources will be one of the methods empldyerdadio interferometers
[UaV)
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Figure 5.8: Distribution of 7; (1.5 nG) vsdr; (= 7; (1.5 nG) — 1 (0 nG)) at redshiftz = 4.

LOFAR (Low-Frequency Array) and Square Kilometer Array (§Ko attempt to detect
cosmic magnetic fields. In particular, Blasi et al. (1999 sidered the same physical set-
ting (high redshift Lyv clouds) as in this paper. They computed the RM of ldensity
field and obtained bounds 1078 G on magnetic fields with coherence length scales of
the thermal Jeans length.

In addition to the upper bounds on the magnetic field strengthined by these ob-
servables, recent results suggests that there might bees lmund of~ 10! G on the
magnetic field strength (e.g. Dolag (2010); Neronov & VovR1Q); Tavecchio et al.
(2010); Taylor et al. (2011)). Another lower bound is ob&airfrom the study of echo
emission from the blazar Mrk 501 (Takahashi et al. (2012)ctvBuggests magnetic field
strength ofB, > 1072°G coherent over the length scale-of1 kpc. This would suggest
that the magnetic field strength could lie in the range® < B, < afewl10~° G. This
range is still too large for a better determination of the n&iy field strength.

In Figure 5.9, we show the constraints from the present stadypare with similar
constraints from cosmological gravitational lensing weagted earlier (Pandey & Sethi
(2012)). In Comparison to bounds on primordial magnetidétom CMBR anisotropies
(e.g. Figure 1 of Yamazaki et al. (2010)), for the entire ef spectral index, we ob-
tain stronger limits orB,. Other constraints from bispectrum and trispectrum amalyfs

[l
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Figure 5.9: Allowed (the shaded) region in thg3,,n) plane, based on thg? analysis ofr.g
against the data from Faucher-Giguere et al. (2008). Treztburves (from top to bottom) are
contours at the®, 30 and b levels.

CMBR passive scalar modes Trivedi et al. (2010, 2012) are@@.4nd 0.7 nG, they have
used spectral index value = —2.8, whereas form = —2.8 our analysis gives an upper
bound onB, < 0.3 nG (Figure 5.9). As noted above, these bounds are evesr ben
our previous analysis with the weak-lensing data (Figut@).

In our present analysis, we consider four parameter;, By, andn but no other cos-
mological parameters. We also do not account for errorgngrfsom different realizations
of the density field. Our current bounds can be further impdadvy the inclusion of such
effects. We note that even though the magnetic field signatidee degenerate with the
overall normalization of the\CDM model as measured by, the current errors on the
value ofog (WMAP 7-year data gives = 0.801 £+ 0.030 (Larson et al., 2011)) are too
small to sufficiently alter our conclusions.

In sum: Lyo clouds provide a sensitive probe of the matter power spettszales
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< 1 Mpec. Primordial magnetic field induced matter perturbationg gidditional power at
these scale which can be probed using the redshift evolatiag. Our results shows that
this leads to one of the most stringent bounds on the parasnet@rimordial magnetic
fields. These bounds can be further improved by more datasemvbiution ofr.; at low
redshifts and also more precise data at higher redshifteeriRly, Becker et al. (2012) have
provided a measurement of the evolutiQp which is in agreement with the data we have
used (Faucher-Giguere et al. (2008)) for our analysis lbirhs better precision. In future,
similar analysis with such data can give even more stringemstraints on the parameters
of primordial magnetic fields.
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Conclusion

The Following sections briefly describe the motivation, gheundworks, the main results
of this thesis work and their relevance. This chapter alsoudis the current status of this
field of research and in particular the contribution and fmsduture prospects of this
thesis work.

6.1 The Motivation And The Groundworks

From previous studies it is known that the presence of prilmabmagnetic fields during
pre-recombination era could generate extra matter pextiors (over and above inflation-
ary matter perturbations) in the universe. In the mattergyaspectrum this contributes
appreciably as an additional power at smaller scales (k - 10 h/Mpc) (Wasserman,
1978; Kim et al., 1996; Gopal & Sethi, 2003). Presence of efiitly strong magnetic
fields can even lead to heating of the ambient medium via aphiliffusion and mag-
netic field decay due to decaying turbulence (Sethi & Subréama 2005) and therefore
affect the structure formation as thermal history playsueied role in structure formation
processes. In other words primordial magnetic fields coldgt pn important role in the
formation of the first structures in the universe. The foiorabf the first structures in
the universe has several other implications also, such@szation Sethi & Subramanian
(2005) of the universe. Moreover, since the existence optiraordial magnetic fields
can influence the matter distribution in the universe, treroaogical probes of the matter
distribution in the universe are expected to have signataf¢he existence of primordial
magnetic fields. Using these observables we can actuallyeptee existence of primor-
dial magnetic fields or put bounds on the physical parame#tased to them. To study
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the effects of primordial magnetic fields quantitativelpeoneeds to know the strength
and the other parameters of primordial magnetic fields wétftiain amount of accuracy.
Therefore it is necessary to probe the magnetic fields witterand more accuracy. These
were some of the main motivations behind this thesis work.

This thesis work is mostly based on the earlier works in tleislfof cosmology (effects
of primordial magnetic fields on early structure formatisoich as Wasserman (1978);
Kim et al. (1996); Sethi (2003); Gopal & Sethi (2003, 200%9tt% et al. (2008); Sethi &
Subramanian (2005). My first project was to investigate thesfble role of PMF in the
formation of supermassive black holes (Chapter 2 of thisif)eRest of thesis work was
towards finding bounds on PMF from various cosmological olzg#es (Chapter 3, 4 and
5 of this thesis). Chapter wise summary and results of myghesrk is as follows,

6.2 Thesis Work

6.2.1 Early formation of supermassive black holes

This work is about the investigation of possible role of pynaial magnetic field to solve
the puzzle of the formation of early super massive blacksptesed by some SDSS ob-
servations of early (z 6) bright quasars. Many models have been proposed to sasve th
mystery based on super-Eddington accretion or hierarcleayjen models. All the mod-
els make very optimistic assumptions and have their owresbigproblems. Presence of
magnetic field also affects the course of thermal and dyreraiolution of collapsing gas
because of ambipolar diffusion and dissipation of the magfields. Our work suggests
that if the magnetic field strength is above a critical vale3(5 nG), it can actually lead
to the formation of more massive stars10* M. The black holes left behind after the
death of these stars will have enough time to accrete gasctumeal 0* M., SMBH by
the redshift of 6-8. This model avoids many of the odd assiongtwhich are required in
other models (Chapter 2). Though this model requires adarggnetic field value than
the available bounds on primordial magnetic fields and sebie metal-free primordial
gas, these value of magnetic fields are allowed urd@r3 o upward fluctuation of the
Gaussian random PMF which is sufficient to account for thelmmhigh redshift quasars
observed. Metal-free gas is not a bad assumption for theopdial gas at the redshift of
z ~ 15. Over all this model presents a plausible novel mechatosiorm high redshift
supermassive black holes.
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6.2.2 Primordial magnetic field limits from cosmological data

In this work we have studied the limits on primordial magaéeld coming from various
cosmological probes such as, Faraday rotation of Cosmicdweve Background (CMB)
polarization plane and statistics of large scale strustur¢he universe. The presence of
primordial magnetic field during recombination causes atron of the CMB polarization
plane through the Faraday effect. The rotation angle isqtamal to the magnetic field
strength. Primordial magnetic field can also induce foraratf structures in the Uni-
verse. Unlike the\CDM matter power spectrum, the magnetic field induced matierer
spectrum increases at small scales (until a cut-off at ntagdeans scale) and it plays an
important role in the formation of the first structures in theiverse also. The smallest
structure to collapse at ~ 10 in the ACDM model are 2.5 fluctuations of the density
field as opposed to the magnetic field case wheredllapse is possible (Figure 3.3). This
means the number of collapsed halo is more abundant in teedase. WMAP results
suggests that the Universe reionized at z = 10. Comparisgatiih the results shown in
the Figure 3.3 most of the model with different spectral indan be ruled out. Only the
nearly scale invariant models witly ~ —3 do not put strong constraint on the magnetic
field strength. After doing all these analysis in this work fvel that the range of the
acceptable values of magnetic field strength is 1-3 nG. Ei§uf gives a rough sense of
the acceptable range ofBover the entire range of.

6.2.3 Probing primordial magnetic fields using weak lensing

In this work we have calculated a theoretical estimate oaslpewer spectrum and the
shear correlation functions, taking into account the efedgrimordial magnetic fields

on matter power spectrum. Comparing this result with the TESlweak lensing data

(Fu et al., 2008), we have found limits on primordial magndiglds which are much

stronger £ 0.5 nG for the spectral index valug; = —2.8 under the confidence level of
50, Figure 4.7) in comparison to the existing limits on primatanagnetic fields coming

from CMB data. Future proposed space missions are likeljnfirave the errors on these
measurements, given that we can hope that SNAP would easaplle to probe magnetic
fields with even greater precision.

6.2.4 Probing primordial magnetic fields using Ly« clouds

This work is an extension of the previous work, with the sanogive but this time the ob-
servable is the line of sight distribution of kyclouds. We have simulated one dimensional
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distribution of Ly absorbers along the line of sight and calculated effectywedpacity as
function of redshift. Using observed data of effectiverdgpacity from Faucher-Giguere
et al. (2008) we have calculated bounds on primordial magfietd, which turned out
to be even stronger than our previous estimaigs+{ 0.2 — 0.3 nG forng = -2.8 with
the confidence level ofd. In this analysis we have considered two cases, one when the
magnetic field induced perturbations are uncorrelated wfthtionary perturbations, and
the other is when they are correlated, though the final re¢lttunds or3;) are not very
different for both the cases (Figure 5.10). These bound®edarther improved by more
data on the evolution af.¢ at low redshifts and also more precise data at high redshift.
this analysis we have consider four parameters namelypmhrotation flux.J, polytropic
index~y, By & ng.

Overalltnis thesis investigates the possible role of primordiagnaic fields in
early structure formation and attempts to constrain thengriial magnetic fields using
several kinds of cosmological observables. The boundsrmpfnom weak lensing and
Ly« observables are stronger than the other bounds availakierature e.g., the bounds
coming from the study of CMB anisotropies (Yamazaki et @11@ Kahniashvili & Ratra
, 2005; Kahniashvili et al., 2010; Seshadri & Subramani®Q92 Trivedi et al., 2010,
2012), and the bounds coming from the rotation measure (RMigh redshift polarized
radio sources (Kolatt, 1998; Sethi, 2003; Blasi et al., J98st of these bounds are in the
range of a few to a few tens of nano-Gauss, for example if welee€MBR constraints
shown in Figure 10 of Yamazaki et al. (2010) for entire raniggpectral index.g > —2.95
we obtain stronger upper limits ay. Similarly bispectrum and trispectrum analysis of
CMBR passive scalar modes Trivedi et al. (2010, 2012) giyeeujpound values 2.4 nG
and 0.7 nG«{p = —2.8) respectively, whereas our weak lensing and lanalysis give
stronger bounds such as 0.5 nG and 0.2 nG respectively.

In addition to the upper bounds on the magnetic field strenfgthined by these ob-
servables, recent results suggests that there might beest lbmund of~ 10-!° G on the
magnetic field strength (e.g. Dolag (2010); Neronov & Vovk1Q); Tavecchio et al.
(2010); Taylor et al. (2011)). Another lower bound is ob&irfrom the study of echo
emission from the blazar Mrk 501 (Takahashi et al., 2012)cWisuggests magnetic field
strength ofB, > 10~2°G coherent over the length scale-ofl kpc. This gives the cosmic
magnetic field strength is in the range2° < B, < a few10~° G. This range is still too
large for a better quantitative determination of the impdgirimordial magnetic field on
cosmology.

A better understanding and measurement of early magndtiadiaeeded. We expect

[l
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that in future RM of radio sources obtained using the radierferometers such as LOFAR
and SKA will provide a better measurement of these magneidsfiArshakian & Beck
(2009). Future space missions such as SNAP can help proviitier measurement of
weak lensing shear and thus may provide a better probe figrraagnetic fields. Similarly

a better measurement qf; also can help improving the bounds on these magnetic fields.
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